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Abstract

Active galactic nuclei (AGNs) are believed to emit radiations using the gravitational energy
released through accretion onto black holes. For low accretion rates, the flows are hot and
tenuous due to the inefficient cooling. This is called the radiatively inefficient accretion flows
(RIAFs). The relaxation time for protons is typically longer than the infall time in RIAFSs.
Thus, non-thermal protons naturally exist inside the flows. The non-thermal protons can
escape from the flow directly through diffusive motion. They are likely to generate the neutrinos
and gamma rays through the interaction with protons or photons. The generated particles
are also able to escape. Since the escaping particles carry away some amount of energy,
the non-thermal particles can potentially affect the dynamical structure of the flow. The
observational possibility of these escaping particles are worth investigating because the origin
of extraterrestrial neutrinos detected by the IceCube is likely to be astrophysical. In this
thesis, we address two issues: the effects of non-thermal particles on the dynamical structure
of RIAFs, and the neutrino emission from Low-Luminosity AGNs (LLAGNSs).

In the first part of this thesis, we study the effects of non-thermal particles on the dynamical
structure of RIAF's using one-dimensional equations including the feedback from non-thermal
particles consistently. From the steady state solutions, we find that the non-thermal particles
do not affect the dynamical structure very much when their energy density is less than that of
the thermal particles. For the cases that the non-thermal particles dominate over the thermal
particles, the temperature of thermal particles are much lower than that without non-thermal

particles. However, the dynamical structures are still advection dominated, and the physical



quantities except the temperature do not change by more than an order of magnitude. For the
flow structure to change to a Keplerian disk, the escaping protons need to extract almost all
the energy released. Since this situation is quite extreme, we conclude that it is difficult that
the non-thermal particles affect the dynamical structure of the hot accretion flows.

In the second part of this thesis, we study the emission of neutrinos and cosmic-ray protons
from RIAFs in LLAGNs. We calculate the energy spectrum of the relativistic protons in RIAFs
using the Fokker-Planck equation with the one-zone approximation. We estimate the timescales
of acceleration, escape, and cooling in RIAFs, and find that the diffusive escape suppresses
the acceleration of protons for a typical LLAGN. The energy of protons in LLAGNs can be
as high as E, ~ 10 eV for reasonable parameters. The neutrinos are produced by both
pp and py reactions. The efficiency of meson production is at most 10%. We calculate the
diffuse neutrino intensity, and find that the observed IceCube data can be fitted for reasonable
parameters if non-thermal protons gain ~ 1% of the accretion luminosity. Although LLAGNs
are much fainter than quasars, they can contribute to the diffuse neutrino intensity owing to

their high number density.
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Chapter 1

Introduction

Active galactic nuclei (AGNs) are one of the most powerful objects in the Universe. They
emit strong radiations ranging from radio to X-rays or gamma rays. It is believed that the
radiations are produced using the gravitational energy through the accretion onto supermassive
black holes (SMBHs) located at the centers of galaxies. Since AGNs have strong magnetic fields
with large spatial scales, they are considered as a possible source of the high energy cosmic rays
including neutrinos. Recently, the neutrino telescope IceCube detected the extraterrestrial
neutrinos (Aartsen et al. 2013a, 2014). Although the origin of IceCube neutrinos are still
unknown, AGNs are viable candidates. In this chapter, we review the general properties of

the accretion flow and observations of the cosmic rays.

1.1 General introduction of accretion flows

Many X-ray sources were discovered in 1960s, and most of them are located at the same
positions as the usual stars. Since it seems difficult for the stars to emit such strong and
steady X-rays, they are expected to be binaries consisting of a usual star and a compact
object. It is expected that the circumstellar matters accreting onto the compact object emit

strong and steady X-rays. The released energy per particle by accretion onto the compact
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objects is about 0.1m,c* ~ 100 MeV, which is much greater than that by the nuclear fusion
~ 7 MeV. Thus, the accretion onto compact objects are suitable for explaining the X-ray

sources if sufficient materials are able to fall onto them.

In general, materials accreting onto the compact objects have some angular momentum.
They cannot fall directly because of the centrifugal barrier, and a rotationally supported disks
are likely to form around the compact objects. The angular momentum should be transported
outward for continuous accretion. Ordinary molecular viscosity is too weak to transport the
angular momentum efficiently. Turbulent viscosity seems important in the accretion flows,
because high Reynolds numbers are expected there. Shakura & Sunyaev (1973) introduced
a phenomenological viscosity called the “alpha prescription,” and found the solutions for the
“standard” accretion disks emitting thermal X-rays or ultraviolet photons (see Section 2).
Although the origin of turbulent viscosity was one of the biggest problems in astrophysics for
a long time, Balbus & Hawley (1991) showed that weakly magnetized plasma with differential
rotation is unstable, and the non-linear growth of this instability, called the magneto-rotational
instability (MRI), can produce strong viscosity including both Reynolds stress and Maxwell
stress (see also Velikhov 1959; Chandrasekhar 1961). Therefore, it is believed that the materials

accreting onto the compact objects can emit strong X-rays.

However, the standard disk model cannot explain all the phenomena related to accretion
onto compact objects, and this problem has been actively discussed for a long time. Observa-
tions find that some X-ray binaries consist of a star and a black hole, whose mass is typically
10M. It has been shown that there are two major states in accretion flows onto black holes.
The upper panel of Figure 1.1 shows the schematic and observed spectra of these two states
(Poutanen & Coppi 1998). One is the “high-soft” state that has a strong thermal component
and a weak power-law tail. An optically thick accretion disk around the black hole emits this
thermal component. The power-law tail may be produced by the inverse Compton scattering
in the hot plasma located above the accretion disk. The other is the “low-hard” state that

has a hard power-law component. Since there is no thermal component, an optically thin
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Figure 1.1: Upper panel: The schematic spectrum of the two states (left) and the observed spectrum
in Cyg X-1 (right). The right figure is taken from Figure 1 of Poutanen & Coppi (1998) with
permission from one of the authors. The high-soft state, observed by XTE/PCA and OSSE, has a
thermal component and a soft power-law tail. The low-hard state, observed by Ginga, OSSE and
COMPTEL, has a hard power-law component without any thermal component. Lower panel: The
schematic picture of the accretion flow for the two states (e.g., Esin et al. 1997; Zdziarski et al. 2002).
The geometrically thin disk is close to the black hole in the high-soft state, while only the hot plasma

is close to the black hole in the low-hard state.
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flow seems to exist around the black hole. The flow probably consists of hot plasma emitting
hard X-rays through the inverse Compton process. The lower panel of Figure 1.1 shows the
schematic picture of the two states (e.g., Esin et al. 1997; Zdziarski et al. 2002). The low-hard
state is realized when the mass accretion rate is much lower than the Eddington accretion rate
Meaq = Lpag /c?, where Lpgq = 4mcGm, Mgy /ot is the Eddington luminosity. The high-soft
state is realized when the mass accretion rate is comparable to MEdd. Transition between
these two states are observed for most of the black hole binaries. Nevertheless, the physical
conditions of accretion flows during the transition are not understood well. This is one of the

biggest problems in the study of accretion flows.

Accretion flows onto a black hole are also seen at the centers of galaxies, including the
Milky Way. Some galaxies host a nuclei in their center, which is much brighter than other
usual galaxies. This is called the active galactic nuclei (AGNs). It is likely that a supermas-
sive black hole (SMBH) whose mass is typically 10® — 10 M, exists at the center, and the
accreting materials emit powerful radiation using the released gravitational energy. Although
only ~1% of galaxies have such luminous AGNs, it is believed that most galaxies host SMBH
at their centers. Observations of AGNs show that there are also two states of accretion flows
corresponding to low-luminosity AGNs (LLAGNs) and luminous AGNs called quasars. The
LLAGNSs typically have bolometric luminosities of Ly, ~ 10%° erg s=!, while the quasars are
much brighter with Ly ~ 10* erg s=!. This difference probably originates from different mass
accretion rates for these two types of AGNs. The upper panel of Figure 1.2 shows the average
spectral energy distribution (SED) of radio-quiet AGNs binned by Eddington ratio (Ho 2008),
including radio-quiet quasars (open circles) and low-luminosity AGNs (open squares). Here,
the luminosity is normalized such that the LLAGNs have the same luminosity as the quasars
at 1 um for comparison. The quasars have a peak in the ultraviolet range called the “big blue
bump,” which may correspond to the thermal emission from the standard disks with high mass
accretion rate. On the other hand, LLAGNs have a dip in the ultraviolet range. This suggests
that there is no standard disk but a hot accretion flow near the SMBH for LLAGNS (see the
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Figure 1.2: Upper panel: The average SED for radio-quiet AGNs binned by Eddington ratio. This
figure is taken from Figure 7 of Ho (2008) with a permission from the author and the Annual Review
of Astronomy and Astrophysics. The quasars (open circles) have a bump, while LLAGNs (open
squares) have a dip in the ultraviolet range. The SED of LLAGNS is scaled such that it has the same
luminosity at 1 pum for comparison. Lower panel: The schematic picture of an LLAGN. There are a
hot accretion flow around an SMBH, a thin disk in the outer region, and jets and winds around the

SMBH. The arrows show the flow directions of the plasma.
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jet component

Figure 1.3: The jet from a radio galaxy M87 observed by the Hubble Space Tele-
scope. We can see that a jet component is launched from the host galaxy, but the
counter jet component is invisible due to the relativistic effect. (Photo credit: NASA,

http://hubblesite.org/gallery/album/galaxy/pr1999043c/web/)

lower panel of Figure 1.2).

The physics of accretion flows seems closely related to other astrophysical phenomena that
have not been understood well yet. Some AGNs are very bright in the radio band (radio-
loud AGNs), and some of them have external jet components (see Figure 1.3). These radio
emissions are considered to originate from the electrons accelerated at shocks produced by
the jets. These jets are considered to be relativistic because the counter jet is not observed
due to the relativistic beaming effect. Production mechanism of these relativistic jets is one
of the biggest problems in high-energy astrophysics. LLAGNs are likely to have jets because
LLAGNSs are usually bright in the radio band (see the upper panel of Figure 1.2). The hot

accretion flows are probably related to jet production because their Bernoulli parameters are
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positive (see Chapter 2).

AGNs may accelerate the protons up to ultrarelativistic energy owing to the strong mag-
netic fields with large scales. Some mechanisms of particle acceleration at the vicinity of
SMBHs are proposed, such as the Fermi acceleration at an accretion shock (Begelman et al.
1990; Stecker et al. 1991), the electric field acceleration around a rotating black hole (Levinson
2000), the shear acceleration in an accretion disk (Katz 1991), and the stochastic acceleration
at a “corona” located above the disk (Dermer et al. 1996). The accelerated protons naturally
interact with surrounding protons and/or photons, and generate neutrinos and gamma rays.
The multi-messenger observations of ANGs can probably restrict some models of particles

acceleration.

The activity of AGNs is expected to affect the galaxy formation and evolution. Some
parts of the gravitational energy released through accretion is carried away by photons and/or
materials as outflows. These photons and materials heat up and/or push away surrounding
materials, which may affect the mass accretion rate onto the SMBH. In addition, observations
show the tight correlation between SMBH mass and the velocity dispersion of bulge component
of the host galaxies (e.g., Kormendy & Ho 2013). Thus, SMBHs and host galaxies are likely
to coevolve, affecting each other. Therefore, understanding the physics of accretion flows is

important not only for high-energy astrophysics but also for galaxy formation and evolution.

As described above, accretion flows are related to many astrophysical phenomena. However,
there still remain some problems to be solved, such as the relation to jet production and
the physics of state transition. In order to understand the accretion phenomena, we should
clarify the effects of magnetic fields, radiation fields, general relativity, and/or non-thermal
processes. Although the numerical simulations are shedding light on these effects (e.g., Ohsuga
& Mineshige. 2011; Narayan et al. 2012; Hoshino 2013), we are still far from the understanding

of whole picture of accretion phenomena.
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Figure 1.4: Schematic picture of the cosmic-ray spectrum of charged particles. The spectrum is
expressed as a broken power-law function. For each region, we show (1) extragalactic or galactic, (2)

source candidates, and (3) the main composition.
1.2 Observations of cosmic rays

The cosmic-ray spectrum of charged particles are described by a power-law function, intro-
ducing two break points called “knee” and “ankle.” Figure 1.4 shows the schematic picture
of the cosmic-ray spectrum. It is believed that the cosmic rays below the knee (F < 10!5°

eV) originate from supernova remnants in our Galaxy. The origin between the knee and the
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ankle is still unclear. It is controversial even whether the sources are extragalactic or not. The
cosmic rays above the ankle (E > 10'®® V), called ultra-high energy cosmic rays (UHECRs),
are likely to come from extragalactic sources, although the sources are unknown. The cos-

mic rays at £ > 10197

eV are expected to lose their energy by interaction with the cosmic
microwave background photons (Greisen 1966; Zatsepin & Kuzmin 1966). This theoretical
prediction is consistent with the spectrum of UHECRs observed by the High Resolution Fly’s
Eye (Abbasi et al. 2008, HiRes,), the Pierre Auger Observatory (PAO, Abraham et al. 2008),
and the Telescope Array (TA, Abu-Zayyad et al. 2013).

The cosmic rays below about 1 PeV are mainly protons as shown by the Russian Nip-
pon Joint Balloon Collaboration (RUNJOB, Derbina et al. 2005). Tibet AS-gamma Experi-
ment (Tibet) shows that the composition seem to shift to the heavy-nuclei dominant around
the knee (Amenomori et al. 2006). The Karlsruhe Shower Core and Array Detector-Grande
(KASCADE-Grande) argue that the heavy nuclei are dominant for E, < 10'7 eV (Apel et
al. 2013). The cosmic rays around the ankle are probably protons, while the composition for
E > 10" eV is still controversial. HiRes and TA collaborations report the proton-dominated
composition (Abbasi et al. 2010, 2015), while PAO indicate the heavy nuclei-dominated (Abra-
ham et al. 2010).

The neutrino energy detected by IceCube ranges from TeV to PeV, whose spectrum is
shown in Figure 1.5. Assuming a single power-law function, the neutrino spectrum per flavor
is expressed as

E,
10°GeV

—0.46
E%P, =2.06 x 107° ( ) GeV em™? sr! s (1.1)

This energy flux for PeV range is the same order as that of UHECRs. This fact motivates
some researchers to consider that the sources of UHECRs and the IceCube neutrinos are the
same, although their energy range is different by about two orders of magnitude.

In the astrophysical context, the high-energy neutrinos are expected to be generated by the

interaction of high-energy protons with the energy of £, ~ 0.05E,. At first, the cosmic-ray
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Figure 1.5: The neutrino spectrum reported by the IceCube collaboration (Aartsen et al. 2015)
with the permission from the author. The thin lines shows the neutrino spectra from the theoretical
predictions, including the UHECR model (dashed, Waxman & Bahcall 1998), AGN core model
(dotted, Stecker 2005), and starburst galaxies (dot-dashed, Loeb & Waxman 2006). Copyright (2015)

by The American Physical Society.
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protons produce pions through the interaction with protons and/or photons:

p+p — p+pn)+7(#"T) + Art + Ar™ + Br®, (1.2)

p+v — pn)+a(xt), (1.3)

where 24 + B is the number of multiple pions. Then, the generated pions are decay to gamma

rays, neutrinos, electrons, and positrons as follows:

™ = 2, (1.4)
™ = vy, pt ettt (1.5)
T o= W FT, p —=e +v,+ . (1.6)

The generated neutrinos can travel the cosmological distance owing to the small cross section
of the weak interaction. In reality, the pp and pvy interaction creates other particles, such as
eta mesons and electron-positron pairs, but we neglect them in this thesis because they are
sub-dominant (e.g. Kawasaki et al. 2005; Kelner et al. 2006; Kelner & Aharonian 2008).
Since the pion energy is roughly equally divided among their final products (e.g., Kelner et

al. 2006), the flavor ratio of the neutrinos at the sources is ®,, : ®,, : &, = 1:2:0, where

Vp
®,, indicate the combined flux of ; and 7. Since the neutrinos travel greater distance than the
P, =1:1:1

oscillation length, the neutrino oscillation converts the flavor ratio to ®,, : ®,,

after the propagation from sources to Earth (e.g., Learned & Pakvasa 1995). Note that neutrino
oscillation does not always make the flavor ratio 1 : 1 : 1. For example, the observed flavor

ratio is ®,, : ®,, : ¢, = 1:1.8: 1.8 (e.g., Gonzalez-Garcia & Nir 2003), when the flavor

Vp

ratio at the sources is ®,, : ¢, : &, = 0:1:0. This flavor ratio is realized if the cooling

Vi
time of muons is much shorter than their lifetimes (Kashti & Waxman 2005).

Many models are suggested to explain the IceCube neutrinos, such as AGN jets (e.g.,
Murase et al. 2014), AGN cores (e.g., Stecker 2013), galaxy mergers (Kashiyama & Mészaros
2014), low-luminosity gamma-ray bursts (Murase & Ioka 2013), and starburst galaxies (e.g.,

Tamborra et al. 2014). However, their origin is still controversial. The models are roughly
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categorized into two types by the way of neutrino production. One is the pp models in which
hadronic interaction creates the neutrinos, and the other is the py models in which the neutrinos
are generated by photomeson production. The observation of isotropic gamma-ray background
(IGB) observed by Fermi strongly restricts the pp models. The profile of neutrino spectra
produced by pp collisions is similar to those of protons. For the soft proton spectra as I' > 2.2,
where dN/dE, o< E;", the resultant gamma-ray flux exceeds IGB (Murase et al. 2013), while
the observed neutrino spectrum is soft (I' ~ 2.3—2.5). Therefore, pp models with single power-
law protons are disfavored to explain the IceCube neutrinos. On the other hand, py models
are not restricted by IGB because the neutrino spectra in these models are modified by the
target photon spectra. However, some py models, including AGN models, suffer from the lack
of target photons when we consider the relatively low energy neutrinos E, < 100 TeV. The
required target photon energy is £, 2 100 eV, which is higher than the average temperature of
the accretion disks in observed AGNs. Thus, it is not easy to explain the IceCube neutrinos by
the single component models. A two component model is proposed to avoid these difficulties

(Chen et al. 2014).

1.3 Purpose and content

In this thesis, we focus on the non-thermal particles inside hot accretion flows that have not
been studied very well up until now. The hot accretion flows are so hot and tenuous that plasma
can be collisionless, which means that the Coulomb interactions are inefficient. If turbulent
magnetic fields are inside the collisionless plasma, non-thermal and high-energy particles can
be generated through magnetic reconnection or stochastic acceleration. The purpose of this
thesis is to discuss the effects and influences of these particles. It is interesting to study the
effects on the dynamical structure because non-thermal particles may carry away some amount
of energy through the neutrino production or diffusive escape. The detection of extraterrestrial

neutrinos motivates us to investigate the energy spectrum of escaping particles.
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This thesis consists of following chapters. In Chapter 2, we review the physics about hot
accretion flows. We formulate a set of one-dimensional equations that describes accretion flows,
and give basic properties of the standard accretion disks and the hot accretion flows. Then,
we estimate some timescales in the hot accretion flows to introduce the notion of collisionless
flows, and discuss the effects and influence of the non-thermal particles. In Chapter 3, we see
the effect of non-thermal particles on dynamical structure of accretion flows. We reformulate
the set of equations including the effects of non-thermal particle, and show that the non-
thermal particles do not affect the dynamical structure very much. In Chapter 4, the neutrino
and cosmic-ray proton emission from LLAGNs are discussed. We estimate the neutrino and
cosmic-ray luminosities from LLAGNs using a one-zone approximation, and suggest LLAGNs
as an origin of the extraterrestrial neutrinos reported by the IceCube collaboration (Aartsen

et al. 2013a,b). We summarize the overall results in Chapter 5.






Chapter 2

Basic Picture of Hot Accretion Flows

In this chapter, we summarize the characteristics of the hot accretion flows. The basic picture
of the hot accretion flows is quite different from the standard disks. We derive the solutions
of hot accretion flows, and discuss some characteristics. In addition, we introduce the notion

of collisionless flows, which is important for the non-thermal particles inside the flows.

2.1 Basic equations of accretion flows

Accretion flows are usually described as viscous fluids, so the basic equations are the equation

of continuity, the momentum conservations, and the energy equation:

dp
LT v AN =0 2.1
LV (o) =0, (21)
0 (pv
% + V . (p'U'U) = _thot + F — V . H, (22)
0
(ap:) +V. (pE’U) = _pgv -V + Qvis — Geool, (23)
where F' = —V ® is the gravity, II is the viscous stress tensor, p, is the gas pressure, pio is

the total pressure including magnetic pressure, ¢ is the viscous heating rate, and g.yo is the

cooling rate. Derivation of Equation (2.3) is described in Appendix A. In addition, we often

15
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use the equation of state for ideal gas,

pg = (v — 1)pe, (2.4)

where v is the specific heat ratio and € is the specific internal energy.

2.1.1 Useful approximations

For simplicity, we often use some assumptions to obtain the solutions of accretion flows. Here-
after, we use the cylindrical coordinate (r, ¢, z). First, we assume the axisymmetric flow, i.e.,
0/(0¢) = 0. Second, we use hydrostatic equilibrium for the vertical direction, in which the
scale height of the flow H is

H =~ ¢, /Qx, (2.5)

where Qi is the Keplerian angular velocity and ¢y = \/m is the effective sound velocity.
Dividing by 7, we can write Equation (2.5) as H/r ~ ¢s/vk. Thus, geometrically thin disks
satisfy ¢ < vk, which means the pressure is negligible compared to the gravity. When the
radial velocity is greater than the sound speed, this assumption is not valid (see Appendix A).

Third, we use the alpha viscosity, where kinetic viscosity v is described as
v~ acsH. (2.6)

Here, « is a parameter that represents the strength of turbulence. This is a phenomenological
expression of turbulent viscosity whose eddy scale is v/aH and eddy velocity is y/acs.

Although we should compute in Schwarzschild-metric or Kerr-metric to include the gravity
correctly, we approximate the gravity with the Newtonian framework. When our interest
is in the region far from the black hole, we often reduce the gravity to a Newtonian one,
® = —GM/+/r? + z2. When we consider the global structure of accretion flows, we often use
the pseudo Newtonian gravity

GM

R g B 27)
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where Rg = 2GM/c* is the Schwarzschild radius. This potential reproduces the innermost
stable circular orbit (ISCO) at r = 3Rg, which is the same for the Schwarzschild metric. Both
potentials depend only on the distance from the central object, i.e., ®(r, z) = ®(v/r% + 22)

2.1.2 Vertical integration

Next, we integrate the basic equations to the vertical direction, introducing the integrated
variables such as the surface density ¥ = [ p(z)dz. This integration allows us to write down
the basic equations as one-dimensional equations. We have to assume the vertical structure of
the flow for this integration. We assume that density, radial velocity, and angular momentum
are constant for the vertical direction, and use vertically integrated pressure and vertically
averaged internal energy.

Equation (2.4) is integrated as

where we use vertically integrated pressure P, = [ p,dz and vertically averaged specific internal
energy E = [edz/(2H).

The equation of continuity and the angular momentum conservation are written as

p 10 9
ot rar et g (pv) =0, (29)

o(pl,) 10 ) 10 [, dD
5 T (rpl.v,) + 5 (plov.) = o (7“ vp oo | (2.10)

where (Q is the angular velocity and [, = 7?Q is the specific angular momentum. We assume
that the stress tensor has only r¢ component because velocity shear is the strongest in this

direction. After taking ffooo dz, we can write down these equations as

oY 10
E + ;_7“ (TE?JT) = 0, (2.11)
axL) 10 10 (4 LdD
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where we assume p =0 for z > H.

The radial momentum conservation is represented as

8 1 6 2 3 8ptot

dd
- - . _ _ QQ
2 (p) 4 () + o (pavy) = 202y

- p%a
Expanding ® with the condition z/r < 1 and neglecting terms of the order (z/r)?, we integrate

(2.13)

Equation (2.13) as

0 10 8Ptot 9 9 dQy S H?
by ——(r2 — +2r(Q* = Q Ox—— 2.14
(9( UT)+7“87"(T v) = or + 2 i) dr 3’ (2.14)
where P = f dzpior and
/1 0P
Qg = 2.1
N VI g (2.15)

is the Keplerian angular velocity. The last term of Equation (2.14) accounts for the z depen-
dence of the radial component of the gravitational force (cf., Matsumoto et al. 1984).

The energy conservation is

0 10 0
875( pe) + —E(rv,«pe) + &(vz,oe) = =PV - U + Qyis — Geool- (2.16)
We evaluate the compression term —p,V - v. Equation (2.11) can be expressed as
dinX 1 0
= . 2.1
dt ror ar ) (2.17)

where d/dt = 0/0t + v - V is the Lagrangian derivative. The equation of continuity is written

as
dlnp
=—-V - wv. 2.18
i v (2.18)
Using p = ¥/(2H), we obtain
dlnp dln¥ dlnH 10 dln H
= — = — 2.19
v dt i T ar e T T (2.19)

Since ¥ and H are independent of z, we find that V - v is independent of z. Thus, we can

integrate the compressional heating term as

B B P, 0 Pyv, Or
@v == [PV vdz=— r 87’(mr) H 0H
P,
= ——Q(TH"UT) (2.20)

rH or
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Here, we assume that 0/0t = 0 since we are interested in the steady state solutions. Then,

Equation (2.16) is integrated and written as

0 10
E(EE) —+ ;5 (TUTZE> = QV + Qvis - QC0017 (221)

where Qs and Q..o is the vertically integrated viscous dissipation rate and cooling rate,

respectively. We write the viscous dissipation rate as

2
Quis = XV (r?—?) , (2.22)

and the compressional heating rate is given in Equation (2.20). This treatment includes the
effect of vertical velocity for compressional heating. This expression of compressional heating

is the same as that of Le & Becker (2005) although its derivation is slightly different.

2.2 The standard disk solutions

Before describing hot accretion flows, we review the standard disk solutions derived by Shakura
& Sunyaev (1973). These solutions, called Shakura-Sunyaev disks (SSDs), have a great success
to explain the high-soft state of X-ray binaries and the big blue bump of quasars. Assumptions

of the SSDs are summarized below:
1. Steady accretion flow 9/0t = 0,
2. Newtonian gravity ® = —GMgy/r,
3. Optically thick plasma enough to emit thermal radiation,
4. Keplerian rotation vy = vg = \/GMpn/r,
5. Slow infall velocity v, < vy,

6. Geometrically thin disks satisfying H < r, which means ¢y < vk.
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Since the disks are geometrically thin and optically thick, we express the cooling rate as

diffusion toward the vertical direction,

16O'SBT3 oT ~ 320'SBTC4

Qeoat = 3kp 0z 3kY

(2.23)

where T, is the temperature at midplane z = 0, s is the mean opacity in the disk, and ogp is
the Stephan Boltzmann constant. We neglect the advection terms in the energy equation and
momentum conservation because of low v,. The pressure gradient force and the compressional
heating are also neglected because we assume thin disk » < H. Then, we can write the basic

equations as

M = —27ru,%, (2.24)

Q= Ok, (2.25)
o

Sl = r3Yy— 2.26

TV T VdT ( )
o0\  3204sTH

) ) = ITreetce 2.2
Y (T (97’) 3kY (2.27)

where we neglect the effect of the inner boundary, considering only far away from the black hole.
For simplicity, we assume Thomson scattering opacity x = or/m,, where oy is the Thomson
cross section and m, is the proton mass. We consider both radiation and gas pressure for
equation of state as

20kgT. T4
PRB +6L07
my, 3

Ptot = Pg + DPrad = (228)

where pio is the total pressure, p..q is the radiation pressure, kg is the Boltzmann constant,

and a is the radiation constant. The plasma is assumed to be completely ionized.
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First, we consider a case that the gas pressure dominates over the radiation pressure. Then,

the solution can be derived as follows (e.g., Shakura & Sunyaev 1973; Kato et al. 2008):

vy = vk = 6.7 x 10°w; /* [g em ™Y, (2.29)

2 = 1.7 x 105" My 5w [g em™2), (2.30)
lv.| = 4.3 X 103ai/15M];é{75m2/5w;2/5 [cm sec™!], (2.31)
T. = 1.7 x 1%,/ " My ?m? w0 K, (2.32)

H/r =26 x 10%ay/"" Myy/s"m"ow (2.33)

where a_y = /0.1, Mpuy; = Mpu/(10"My), @, = w/10. Note that vk depends only on
. The mass accretion rate and radius are normalized as m = M / Mgqq and @@ = r/Rs,
respectively. In this solution, the released gravitational energy is carried away by the thermal
radiation, so that the disk temperature is cold enough to maintain H < r. The standard disks
mainly emit X-ray photons for stellar mass black holes (Mpy ~ 10Mg) in X-ray binaries or
ultraviolet photons for SMBHs (Mpy ~ 10°—10? M) in AGNs. The radial velocity is expressed
as v, ~ v/r >~ a(H/r)cs. Thus, v, < ¢ is satisfied when H/r < 1. The standard disk satisfies
v, K g K Vg4, which implies that the local thermal equilibrium is a good approximation.

If we consider closer region to the black hole or higher mass accretion rate, the temperature

is so high that radiation pressure dominates over the gas pressure. This gives another solution

of SSD (Shakura & Sunyaev 1973; Kato et al. 2008):

/2 -2

vy = vk = 6.7 x 10°=, /* g em ™2, (2.34)

2 =32x 10%a" i 'w¥? [g em™?), (2.35)
v, = 2.4 x 10°a_ 12w, *? [em sec™], (2.36)
T. = 6.5 x 10°a_y My o *® [K], (2.37)
H/r =1.6 x 10" %mw; . (2.38)

We note that this solution is unstable to both thermal and viscous instabilities (e.g., Kato et

al. 2008), and thus, it seems unrealistic. However, observations suggest the existence of this
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radiation-dominated SSDs (e.g., Ross et al. 1992). Although the thermal stability of this disks
is investigated by numerical simulations including both radiation and magnetic fields (Hirose

2009; Jiang et al. 2013), it is still controversial.

As the mass accretion rate becomes higher, temperature becomes higher, so that the disk
becomes thicker with H ~ r when m ~ 10. This makes the infall velocity greater, and
advection of the thermal energy becomes important. This effect gives another solution of
accretion disks, so called the “slim disks” (Abramowicz et al. 1988). In this solution, the
optical depth is so large that the photons cannot escape efficiently. Most of the photons fall

into the black hole together with the accreting materials.

2.3 The power-law solutions

When the mass accretion rate is low enough, the radiation cooling is so inefficient that the
hot accretion flow, so called the radiatively inefficient accretion flow (RIAF), is likely to be
realized. The RIAF model also succeed in explaining the low-hard state of X-ray binaries
and LLAGNs (e.g., Yuan & Narayan 2014; Nemmen et al. 2014). Although we neglect the
advection and pressure terms in SSDs, these effects are important for the hot accretion flows.
The advection dominated accretion flows (ADAFs, Narayan & Yi 1994) is a solution of hot
accretion flows that includes the effect of advection. In this section, we derive the power-law

solution of ADAF. This gives us the basic picture of hot accretion flows.

As a set of basic equations for ADAFs, we have four Equations (2.11), (2.12), (2.14), (2.21),
with four variables (3, v,, ¢, £2). The other variables are expressed as a combination of these

variables. We consider only gas pressure, Pioy = Py = (7 —1)XE, for simplicity. Assuming the
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steady accretion flow, the basic equations are represented as follows:
M = —2nrv, %, (2.39)
1d 0P, dQyx X H
—— (r¥v? SRy (2 02) — O — 2 2.4
Td?“(r o) 87“+ r( k) a3 (2.40)
1d [ 5o dQ
—— (ru.Xl,) = o <T Eyd—) , (2.41)
Q P,
—-— (r,.XE) = f.Xv (rd—) — —gﬁ(rHvr), (2.42)

where M is the mass accretion rate and fe is the cooling parameter defined as Qyis — Qcool =

feQyis- In the case of no cooling limit, we have f. = 1, while f. — 0 for efficient cooling

limit. We search for a solution in which all the variables are power-law function, X = Xyr",

assuming the Newtonian gravity Qg = /G Mpy/r3 = gor~*/2. From the dimensional analysis,

we find ¥ = Sor—2, v, = vor Y2, ¢ = ¢or~'/?, and Q = Qor~%/2. After some algebra, we

obtain following four equations:

M
o= —
27TUO
vg + dey + 208 — 298 = 0,
3o 4
vy = ——C5,
’ 290 0
3 9a
-z — ()2
2§U0 490 0>
where
5/3—~

™~
Il

(/Y - 1)fc

(2.43)
(2.44)
(2.45)

(2.46)

(2.47)
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Solving Equations (2.43) - (2.46), we obtain the solution as follows:

M 2(2 j -
X = 21w ~ é?r—otri):l ~ 2.2 x 107 ey _sw, 2 g cm ™’ (2.48)
2(2 3 -
) 1 9 _—1/2 —1
& = 35V @+ Ogla, Oue [ gyon = 8.9 x 0%, em s (2:50)
2 § 9__—1/2 -1
92

gla, &) =4 [1+ 2 (2.52)

2e+ep

where 1m_, = 1m/0.01. We approximate with a* < 1 from the second to the third equations,
and use £ = 1 from the third to the final equations. To obtain this solution, we need four
parameters («, £, m, and w), which does not include Mpy. Thus, both AGN and X-ray
binaries have the same values of 3, v,, vy, and ¢;. Note that the density p = ¥/(2H) depends
on Mgy because H ~ ¢ /Qx o< Mppw. The physical quantities per unit mass or unit area are
independent of Mgy while those in unit volume depend on it.

In this power-law solution, & oc M, while v,, ¢, and vy are independent of M. In the limit
of a? < 1, the radial velocity is related to a but ¢; and vg are independent of a. The sound
velocity and angular velocity are only related to £ that is determined by the cooling efficiency
and specific heat ratio. For { ~ 1, we can give an order-estimate as vy ~ vk, ¢s ~ vk, and
v, ~ avkg. This means that large fraction of the released energy is used to heat the materials,
and this internal energy of the gas falls into the black hole without energy loss by radiation.

For v = 5/3, we have £ = 0, therefore this solution has no angular momentum v, = 0.
In this case, the relation of Equation (2.45) is no longer meaningful, and we can get another
solution from (2.39) and (2.40) with the adiabatic condition p, = Kp”. If we consider efficient
cooling flows & > 1, the solution satisfies the Keplerian rotation v, ~ vk and the relation

v, € g <K vkg. Although this solution has similar features to the SSDs, this solution is
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different from SSDs because they have different parameter dependences.

In this power-law solution, the Bernoulli constant,

f)/
v—1

1
Be = E(vf + U;) + 2 — Qkr?, (2.53)

is usually positive. After some algebra, the condition Be > 0 is rewritten as

5/3 —~

fe= 52—

(2.54)
If we consider the usual range of specific heat ratio as 1 < v < 5/3, Be is positive when
fe > 1/3. Positive Be means that the flow has positive energy, implying that the flow is not
bounded by the black hole. This leads to a consideration that the hot accretion flows are
related to the outflows. Some models including the disk wind are proposed (e.g., Blandford &
Begelman 1999), which is another sub-class of RIAFs. However, we note the fact that positive
Be does not always imply outflows. For example, Bondi accretion flow, which is a solution
of spherically symmetric accretion, also has the positive Be but few consider that the Bondi

accretion causes outflows.

We see that the power-law solution is sub-sonic everywhere. In reality, the flows are likely
to be supersonic at the vicinity of the black holes because of the strong gravity. In late 1990s,
some researchers studied the global structures of the hot accretion flows (e.g., Chen et al. 1997;
Manmoto et al. 1997; Nakamura et al. 1997; Narayan et al. 1997), using the pseudo-Newtonian
potential (Equation [2.7]). They obtained the transonic solutions and found that the basic
pictures of the global solutions are consistent with those of the power-law solution. Narayan
et al. (1997) showed that the global solutions match the power-law solution well except for
the region close to the inner and outer boundaries. In the global solutions, the parameter
dependences of v,, ¢, v4, and X are also consistent with those of the power-law solution

described in Equation (2.48) - (2.51) (see also Chen et al. 1997; Nakamura et al. 1997).
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2.4 Timescales of hot accretion flows

There are several timescales to evaluate the physical conditions. Here, we estimate some
timescales for the power-law solution with £ = 1, and discuss the physical conditions of RIAFs.

For the alpha prescription, the dissipation time is estimated to be
1
s~ — ~ 5 % 1020~ Mgy 7 [sec]. (2.55)
!

In the advection dominated accretion flow, infall time is estimated to be

2
tean ~ UL ~ ™ 8.8 X 1O4wf/204j}MBH77 [sec]. (2.56)
T K

Thus, the infall time is always the same order with the dissipation time, tgy ~ tqis. This means
that the thermal energy generated by viscous dissipation can be carried by advection.

If the proton-proton relaxation time t,, .o in plasma is longer than the dissipation time, non-
thermal particles are likely to exist inside the plasma (Takahara & Kusunose 1985; Mahadevan
& Quataert 1997). We define the flows that satisfy ¢,, e > trn as the collisionless flows. The
proton-proton relaxation time is estimated to be

a7 1 (mp)2<kBTp)3/2
tpp,rel = T -

In A nyore \'me my,c?
~ 2.2 x 10" Mgy s~} [sec], (2.57)

where InA = In(47rA¥n./3) is the Coulomb logarithm (\p is the Debye length). We use
kT, ~ myc? ~ myu /3 and In A = 30. We find ¢, 01 > tran ~ tais in RIAFs, which means
that protons cannot become Maxwellian by Coulomb scattering within the infall time. This
motivates us to consider non-thermal particles in RIAFs.

The proton-electron relaxation time is estimated to be (Stepney 1983; Takahara & Kusunose

1985)
- 2 1 my k‘BTe
tpe,rel — anaTc (me) (m602> ; (258)

where we assume that electrons are relativistic and protons are non-relativistic. This timescale

depends on the electron temperature. If we assume T, = T,,, we have e el > tpprel > tan, SO
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that the protons cannot give the energy to electrons through Coulomb interaction. This means
the electron temperature is different from the proton temperature. Even for kg7, ~ m.c?, we
find that tpera ~ 1.6 X 10 sec > tgn. Thus, protons cannot cool down by the Coulomb
collisions if electrons are relativistic. Note that when T, < T, electron heating time by
Coulomb collisions, t. cou, is shorter than the proton-electron relaxation time as tepcom ~
tpeset(Te/T,). This is because tyerq is defined as tpe,e = |Te — Tp|/|dT./dt| (Stepney 1983;
Takahara & Kusunose 1985). When kT, ~ m.c?, t.com ~ (To/T))tperel = 5.3 x 10* sec, which
is comparable to the infall time. Thus, it is possible to heat up electrons to the relativistic
temperature through Coulomb collisions when 7 2 0.01, although the radiation from thermal
electrons is probably important in this situation.
The electron-electron relaxation time is estimated to be (Stepney 1983; Takahara & Kusunose

1985)

8 ]. kBTe 2 3 3/2 .1
teerel = ~ 3.4 %10 M, 02 ’
" InAn,ore (mecz) X 10°@) "y My 7150, [sec]

where we assume the electrons are relativistic, and 6, = kgT./ (mECQ). The electron-electron re-
laxation time is shorter than t¢;. Note that synchrotron self absorption mechanism is more ef-
ficient than the Coulomb interaction in RIAFs, so that the electrons are likely to be Maxwellian

for . > 10~* (Mahadevan & Quataert 1997).

2.5 Plasma processes in hot accretion flows

In RIAFSs, protons are collisionless and there may be non-thermal particles. This means the
plasma inside RIAFs are no longer usual fluids. Inefficient Coulomb collision allows protons
to have anisotropic pressure, which affects the growth rate of MRI (Quataert et al. 2002;
Sharma et al. 2006). Thus, it is not obvious whether MRI works as a mechanism of the
angular momentum transport as is the case with usual MHD. MRI in RIAFSs is investigated
with the anisotropic pressure by the formalism so called the “kinetic MHD,” in which pressure

is divided into the parallel component (p;) and the perpendicular component (p, ) with respect
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to the magnetic fields. Under this formalism, p; becomes higher as the magnetic fields become
stronger owing to the adiabatic invariance of p, /B. The high p, makes the magnetic fields
stiffer than those in MHD. This makes the shortest wavelength of unstable modes for MRI
longer, which leads to stabilizing whole part of the accretion flow against MRI. Sharma et al.
(2006) show that the pressure anisotropy suppresses the growth of MRI, using the kinetic MHD
simulation with shearing box approximation. Some isotropization mechanism is necessary in

order to observe the non-linear growth of MRI under the kinetic MHD.

The strong pressure anisotropy induces another instability, such as the mirror instability
(for pi > py) or the fire-hose instability (for p; < pj). These instabilities generate small
scale waves, and these waves make the particle distribution isotropic through the pitch-angle
scattering (e.g., Gary et al. 1997). Hoshino (2013) showed that the mirror modes decrease the
pressure anisotropy enough to reproduce the non-linear growth of MRI (see Figure 2.1), using
particle-in-cell (PIC) simulations with the shearing box approximation (see also Riquelme et al.
2012). Therefore, MRI is likely to play an important role in the angular momentum transport

even in the collisionless accretion flows.

The electrons in RIAFs are expected to heat up by plasma processes such as magnetic
reconnection or wave-particle interaction. These electron heating mechanisms are related to
the dissipation process within the plasma scale, while the magnetic turbulence is induced by the
shear motion from the hydrodynamical scale. Both the plasma processes and hydrodynamical
processes are important to understand the electron heating in RIAFs. However, we cannot
solve these processes simultaneously with realistic parameters because the size of these scales
are different by more than 10 orders of magnitude. Although some studied about the electron
heating in RIAFs (Quataert & Gruzinov 1999; Sharma et al. 2007; Sironi 2014; Sironi &
Narayan 2014), we are far from the understanding of the electron heating. In this thesis, we
avoid getting involved this problem and treat 6, = kgT,/(m.c?) as a parameter. We consider

the range of electron temperature 1 < 6, < 4 following Sharma et al. (2007).
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Figure 2.1: The non-linear growth of MRI as a result of 2D PIC simulation in zz plane. This figure
is reproduced from Hoshino (2013), by permission of the American Astronomical Society. The upper
and lower panels show the initial and non-linear growth phases, respectively. The left, middle right
panels are the plasma density, the strength of poloidal magnetic fields, and the strength of toroidal
magnetic fields, respectively. The white lines in the middle panels represent the the direction of the
poloidal magnetic fields. The white arrows in the right panels represent the plasma velocity projected

in zz plane. The coordinates = and z are normalized by A = 27v,4/Qp.
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2.6 Non-thermal particles in hot accretion flows

Theoretically, it is expected that the magnetic reconnection of turbulent fields generates the
non-thermal particles (Riquelme et al. 2012; Hoshino 2013). However, PIC simulations follow
the plasma scale that is much smaller than the dynamical scale. The non-thermal particles
generated by the magnetic reconnection is expected to experience the stochastic acceleration
through the turbulent magnetic fields. This process is likely to produce the non-thermal
protons in the bulk of RIAFs (e.g., Lynn et al. 2014). These accelerated protons produce
neutrons, neutrinos, electrons, and positrons through interactions with thermal protons and
photons (see Chapter 1). These neutrinos are able to escape from the flow. The gamma rays

can be absorbed by the background photon fields through the pair production process
yH+y et e, (2.59)

The generated electrons and positrons can cool down rapidly through the synchrotron process.
Thus, the accretion flows lose all of the energy expended to produce the pions. The non-
thermal protons can also escape from the flow by diffusive motion while thermal protons are
confined by the strong turbulent magnetic fields. This is because the mean free path of the
protons is longer for a higher protons energy. In addition, the non-thermal neutrons are able to
escape owing to their charge neutrality and long lifetime. Therefore, the non-thermal protons
seem to act as a coolant of the flow, which may affect the dynamical structure of the accretion
flows (see Chapter 3). They emit the high-energy protons, neutrinos, and gamma rays. Thus,
RIAFs are a candidate of the source of cosmic rays and neutrinos (see Chapter 4).

There are some observational implications from the existence of non-thermal particles in
RIAFs. The center of our Galaxy, Sgr A*, is considered to be a RIAF onto a SMBH, and
we observe the photons from radio to X-ray from the galactic center. Figure 2.2 shows that
RIAF models with non-thermal electrons (Yuan et al. 2003) can explain the data of Sgr A*
better than that without non-thermal electron (Narayan et al. 1995; Manmoto et al. 1997).

In addition, GeV - TeV gamma rays are detected from the galactic center (Aharonian et
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al. 2009a; Chernyakova et al. 2011). It is natural to consider that particles accelerated at
the vicinity of the black hole emit these gamma rays. Both leptonic models (Kusunose &
Takahara 2012) and hadronic models (Liu et al. 2006; Chernyakova et al. 2011) can explain
the gamma rays, and the origin is still controversial. GeV gamma rays are also detected from
a few galactic X-ray binaries (Bodaghee et al. 2013) and LLAGNs (Abdo et al. 2009; Sahakyan
et al. 2013). Although many consider that the jets associated with these objects are relevant
to these gamma rays (Malyshev et al. 2013), it may be possible that these gamma rays come
from the accreting materials (Kadowaki et al. 2014). These gamma rays might be evidence of

non-thermal particles in the vicinity of black holes.

2.7 Relativistic jets and hot accretion flows

Radio observations reveal that some AGNs have relativistic jets. These observations suggest
that the Lorentz factors of the jets are typically [' ~ 10 — 100, and that their luminosities are
broadly distributed over Lie; S M¢?* (Fernandes et al. 2011; Punsly & Zhang 2011).

ADAF is also considered to be related to the formation of outflows and relativistic jets
(Narayan & Yi 1994). However, the production mechanism of the jets is not well understood.
If the luminosity of the jet, Ljs, originates from the gravitational energy of the accreting
materials, the condition Lje < nM ¢® should be satisfied, where M is the mass accretion rate
onto a SMBH and 7 is the energy release efficiency. Since Lje = F]\Zjetcz, where I' ~ 10 — 100
is the Lorentz factor of the jet and Met is the mass loading rate of the jet, we have Met < M.
This means that some mechanisms concentrating the gravitational energy on a small fraction
of the materials are necessary. The escape of the high-energy particles may be one of the
mechanisms (e.g., Le & Becker 2004; Becker et al. 2008; Toma & Takahara 2012).

It is likely that the gravitational energy is converted to Poynting and/or kinetic energies
and they are injected into the polar region above the SMBH, “the funnel,” where the gas is very

dilute due to the centrifugal barrier. The most actively discussed model is the magnetically
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Figure 2.2: The observed SED from Sgr A* and fittings by the hot accretion flow models. top panel:
The spectrum of a model without non-thermal electrons. This figure is reproduced from Manmoto
et al. (1997), by permission of the American Astronomical Society. This model can fit the data well
except in the radio band. bottom panel: The spectrum of a model with non-thermal electrons. This
figure is reproduced from Yuan et al. (2003), by permission of the American Astronomical Society.

The data in the radio band can be fitted by the synchrotron emission from non-thermal electrons.
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driven jet model investigated by magnetohydrodynamic simulations (McKinney 2006; Komis-
sarov et al. 2007). The electromagnetic force accelerates the flow to relativistic speed, and it
is considered that the amount of mass injected in the funnel determines the terminal Lorentz
factor. An alternative idea is the kinetically dominated jet model, in which the relativistic
thermal energy (i.e., random kinetic energy of particles) is transferred to the acceleration of
the bulk flow (Asano & Takahara 2007; Becker et al. 2011). In this model, the terminal Lorentz
factor is roughly equal to the average random Lorentz factor of particles. The escaping par-
ticles from the accretion flows seem to be related to the energy injection of the kinetically
dominated jet model. Thus, it is important to estimate the luminosity of escaping particles

from the flow.






Chapter 3

Effects of High-energy Particles on

Dynamical Structure

As we see in Chapter 2, hot accretion flows are collisionless (¢, rel > tan), in which non-thermal
protons may exist. These protons are expected to extract some amount of energy from the
flow. They also modify the total pressure because of the different specific heat ratio. Thus,
they may affect the dynamical structure of the accretion flows. In this chapter, we see how
non-thermal particles affect the dynamical structure of the flow. We formulate the accretion
flows including feedback from the non-thermal particles in Section 3.1, and show the steady
state solutions and luminosity of escaping particles in Section 3.2. We discuss the implications
of escaping particles on relativistic jet production and ignored process in Section 3.3. We
summarize the results of this chapter in Section 3.4 This chapter is based on Kimura et al.

(2014a).

3.1 Formulation

We consider a steady accretion flow that consists of thermal and non-thermal particles with

the assumption that non-thermal particles are high-energy enough to be relativistic. The

35
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thermal particles (TPs) obey the fluid equations, while the high-energy particles (HEPs) are
described by the diffusion-convection equation (e.g., Drury 1983; Jones 1990). We assume
that the radiation from TPs is inefficient and ignore effects of the electron component. We
also assume that the bulk velocity of HEPs is the same with that of TPs due to the coupling
between HEPs and TPs through the magnetic fields.

3.1.1 Thermal component

For TPs, we use the same procedure as Chapter 2. Here, we use the pseudo-Newtonian

potential represented as

GM
b =— , 3.1
vV 72 + 22 — Rs ( )
in which the Keplerian angular velocity is described as
GM 1
Qx = ) 2
K r r— Rg (3:2)

We write the total pressure pioy = prp + pPugp + pB, where we introduce the pressure by HEPs
puep and magnetic pressure pg.

The basic equations for TPs are represented as

oYy 10
e + ;EO"EUT) =V, (3'3)
0 19 10 [ 4. 09
) 10, 0Py . dQ SH?
0 10
5 (Z8re) + —o- (ru:BEre) = Q4 (3.6)
PTP = (’}/Tp — 1)ZETP, (37)

where -Ptot = fptotdz = PTP +PHEP +PB (PHEP = prEPdZ and PB = prdZ>, and Q+ is the
total heating rate that includes the viscous dissipation and the compressional heating. The

subscript TP indicates the variables for TPs. We assume that the inertia of TPs is much higher
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than that of HEPs. This assumption allows us to write Equations (3.3) and (3.4) without any
sink terms due to interchange between TP and HEP. We set yrp = 5/3 because TPs are
assumed to be non-relativistic.

We assume turbulent magnetic fields induced by TPs in the accretion flows. The integrated

magnetic pressure Pp is estimated with the assumption that the plasma beta is constant, i.e

Pg = Prp/p. (3.8)

Some previous studies consider that magnetic fields behave as a relativistic gas and include
the magnetic component in their energy equation (e.g., Esin et al. 1997). However, since we
hardly understand a proper description of magnetic fields, we simply assume that magnetic
pressure is proportional to the thermal pressure and do not include the magnetic component

in the energy equation. The vertically averaged strength of the magnetic fields B is defined as

B = \/87pp = \/4nPs/H, (3.9)

where we use Pg = [ ppdz = 2Hpp and pp = B*/(87). Under this assumption, the magnetic

fields do not behave as a relativistic gas. We assume B is constant in the vertical direction.

3.1.2 High-energy component

In this chapter, we assume that HEPs are relativistic and regard their energy and momentum

are equal. HEPs obey the diffusion convection equation (e.g., Drury 1983; Jones 1990)

OF V-v OF
4+ ov.-VF=V. VF p—
ot (Kp ) 3 op

+ Enj - Fsinka (310)

where F(t,r,p) is the distribution function of HEPs, &, is the diffusion coefficient, and p is
the momentum of HEPs. We add the terms Finj and Fsink that describe the injection and
sink, respectively. The sink term, added in this equation symbolically, includes the effects of
neutron escape and pion production. We assume that the magnetic reconnection and/or the

stochastic acceleration act as the injection term.



CHAPTER 3. EFFECTS OF HIGH-ENERGY PARTICLES ON DYNAMICAL
38 STRUCTURE

As a first step, instead of solving the distribution function F', we only solve the number
and energy densities, Nygp and Uggp, in this chapter. We define the number density and the

energy density of HEPs per unit area as

NHEP = 47T/ dZ/ dpp2F, (311)

—00 0
Unrp = 47?/ dz/ dpp? Fpe, (3.12)

—00 0
respectively. We can treat the mean Lorentz factor as

Unep
m= " 5~ 313
K mpc2NHEp ( )

where my, is the proton mass. Taking the appropriate moments of Equation (3.10) and inte-
grating over the vertical direction, we obtain the equations of number and energy densities of

HEPs as

g Nu) = L5 (O ) Nt Ny N, (314
ou, 10 10 ou,
aI;EP + ;E(T’UTUHEP) = QV,HEP + ;E (Tﬁ? al—;EP) - Qdiff + Qinj - Qsinku (315)

respectively. We have used the averaged diffusion coefficient k, the injection terms Ninj and
Qinj, the sink terms Nk and Qsink, and the escaping rates of HEPs through vertical diffusion
Nug = Nggp [tpese and Qair = Ungp/tpese, Where t,.c = H?/k is the vertical diffusion time.

Equation (3.15) has the compressional heating term

Pugp 0
=— —(rHwv,), 1
Qv HEP e 8r(r vy) (3.16)
where we define the integrated pressure of HEPs as
Pipp = 47r/ dz/ dpp2F%. (3.17)
—00 0

We assume that mean velocity of HEPs are the same with that of TPs, so that we can write
the compressional heating term as Equation (3.16) (see Equation [2.20]). We also assume that

HEPs are relativistic and write the relation between Uggp and Pagp as

Unep = 3Pugp. (3.18)
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This relation implies that yggp = 4/3, where yygp is the specific heat ratio of HEPs. We

describe & as
CdiffCT’g
3

We represent the mean-free path as A = Cgigrs, where Cgg is a parameter that represents

1
K= gc)\ = (3.19)

difference from the Bohm diffusion, and ry = ymmyc?/(eB) is the gyro radius. In the actual
situation, the diffusion coefficient depends on the Lorentz factor of the particles because the
particles with higher energies have longer mean free paths. As a first step study, however, we
do not treat the spectrum of HEPs but simplify the situation by taking the moments of the
distribution function F'. In the same spirit, we use v, when we estimate r,.

The electrons have much smaller mean free path than the protons, so that the electrons are
unlikely to escape as efficiently as protons. Since the surrounding materials are also ionized,
some charged particles may be supplied to the accretion flow to maintain the charge neutrality.
We ignore this effect because the number flux of escaping protons are quite low, compared to

that of accreting ones.

3.1.3 Energy dissipation and energy loss

HEPs affect the dynamical structure of the flow through the pressure term and energy extrac-
tion. In this section, we summarize the internal energy injected into or extracted from the
accretion flows. In this chapter, we assume that the rates of injection into HEPs are related

to the heating rates of TPs. TPs are heated by the viscous dissipation rates,

o0\
vis = 2 — ], 3.20
Q=3 (r5) (3.20)
and the compressional heating rates,
. PTP 0
Qvp = T E(THUT)- (3.21)

See Chapter 2 for derivation of Equation (3.21). Since the turbulent viscosity is expected to

induce the dissipation in the accretion flows, it is considered that some fraction of the dissipated
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power is expended to inject HEPs by the second-order Fermi acceleration. The compression
of the turbulent magnetic fields is likely to induce the magnetic reconnection, so that HEPs
are expected to be generated by consuming some fraction of the compressional heating energy.
Thus, we assume that the fraction f.is of Qyis is injected into HEPs, and the remaining fraction
(1 — fyis) goes into TPs. Similarly, the fraction feomp of Qv Tp goes into HEPs, and the other
(1 — feomp) heats up TPs, i.e.,

Qinj = fvistis + fcomeV,TP (322)

and

Q+ = (1 — fuis)Quis + (1 = feomp) Qv TP- (3.23)
As described above, we ignore the spectrum of HEPs and only use the mean Lorentz factor. In
the same manner, we assume mono-energetic injection everywhere. Using the Lorentz factor
at injection, 7ypj, the injection term for the number density of HEPs is represented as

Qinj

Ny = Qm
! (Viny — 1)mpc?

(3.24)

The interactions between HEPs and TPs extract the energy and particles from the flow.
Since we ignore the radiation processes of TPs, we do not consider the background photon
fields. This treatment allows us to neglect photomeson production, py — pr® or nw™, and
consider only proton-proton inelastic collisions (pp collisions). When the pp collisions (1.2)
occur, pions are produced, and high-energy protons or neutrons lose their energies. The pions
decay into photons, neutrinos, electrons, and positrons as Equations (1.4) - (1.6) (Begelman
et al. 1990). Since we consider tenuous accretion flows with the optical depth for electron
scattering 7. < 1, the neutrinos and photons may escape directly from the flows, and the
high-energy electrons and positrons are considered to emit radiation and lose their energy
rapidly. Thus, the flows lose their energy by pion production through the pp collisions. Using

the inelasticity of this reaction, K, we estimate the energy loss rates by pion production as

KwekinNHEPZO-ppc
2m, H ’

Qr = /KﬂekinnHEPnTPUppCdZ = (3.25)
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where ngpp = Nugp/(2H) is the number density of HEPs, nrp = £/(2m,H) is the number

density of the TPs, €4, = (ym — 1)m,c? is the mean kinetic energy of HEPs, and

€kin
G = 30 [0.95 + 0.06 In <1Ge\/)} mb (3.26)

is the cross section for pp collisions (Aharonian & Atoyan 2000). We assume that the number
density of HEPs is uniform for the vertical direction when estimating the pp collision rate.
Neutrons are also produced by pp collisions. The formation rates of relativistic neutrons in

unit volume are estimated as

Npsn = %Pp_,nnHEpnTpappc, (3.27)
where P,_,, is the probability of neutron formation per interaction. The factor 1/2 indicates
that half of the neutrons are thermal. Neutrons may escape from the flows because of the
charge neutrality, whereas neutrons decay into the protons when their lifetime has passed after
their formation. For a neutron to escape from the flow, its escape time ¢, s has to be shorter
than its lifetime ¢,, = 8877,sec, where v, is the Lorentz factor of the escaping neutron. Ignoring
escape of thermal neutrons from the flows since most of thermal neutrons satisfy ¢, < t,, esc,

we write the neutron escape rates as

. tn esc
Nege = /hp_m exp <_t—) dz. (3.28)

With the approximation that all neutrons move along the vertical direction, we write the
escaping time as t, e« = (H — 2)/c, and the neutron escape rates are evaluated as
) 2H
Nesc = hp_mctn {1 — exXp (—T) } . (329)
Clp,

On neutron production, some fraction of energy is carried away by pions, and the Lorentz

factor of escaping neutrons satisfies the condition of

(Yo — Dmpc® = (1 — Kp) (Y — 1)mypc?, (3.30)
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where m,, is the mass of a neutron. We can neglect the interactions of neutrons with TPs
because we consider tenuous flows (Begelman et al. 1990; Toma & Takahara 2012). Using 7y,

we represent the energy loss rates by neutron escape as
Qesc = (Yu = 1)mn® Nese. (3.31)
The sink term of Equation (3.14) is equivalent to neutron escape,
Nk = Nese. (3.32)

On the other hand, Qgnk in Equation (3.15) includes the cooling by pion production in addition

to neutron escape,
Qsink - Qesc + Qw- (333)

We set K, = 0.5 and P,,, = 0.5 following Begelman et al. (1990).

3.1.4 Calculation method and conditions

We solve the six differential Equations (3.3), (3.4), (3.5), (3.6), (3.14), and (3.15) for X, .,
vr, Erp, Nyggrp, and Uggp. We calculate the time evolution of these equations until a steady
state solution is realized rather than solve the equations with steady assumption because the
former method has some advantages over the latter. One of the advantages is that we need
not treat the singular point arising in the steady state flow equations. Another advantage
is that unstable solutions are not realized. In order to solve the fluid equations, we use a
method of finite differences with a time-explicit solution procedure similar in methodology
to the ZEUS code with the von Neumann & Richtmyer artificial viscosity (von Neumann &
Richtmyer 1950; Stone & Norman 1992). See Appendix B for the test calculations of fluid
equations. The equations of HEPs are solved by using the fully implicit method (Press et al.
1992). We determine the time step such that the CFL condition is safely satisfied (the safety

factor Cy = 0.1). The number of the grid points is N = 256, and the grids are uniformly
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Ferit Fout

Figure 3.1: The schematic picture of our model. The protons are accelerated in RIAFs within the
critical radius, and interact with the thermal protons. Then, the non-thermal neutrons, neutrinos,
and gamma rays are generated and escape from the flow. The non-thermal protons can also escape

from the flows directly.

divided in the logarithmic space. We calculate some models with N = 128 and find that the

results are unchanged by the number of grids.

The initial conditions are unimportant because the system forgets them by the time when
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a steady state solution is realized. We set the initial conditions as follows:

M
2= 2, (3349
I, = 0.9Qk7r?, (3.35)
Up = Vol (3.36)
Erp = —0.5, (3.37)
Nugp = 0.0, (3.38)
Ugep = 0.0, (3.39)

where M is the mass accretion rates, and Uy 1s determined to be smoothly connected at the
outer boundary. The boundary conditions do not strongly affect the solutions when we choose
sufficiently large ro,. We assume that there is a rotationally supported flow at the outer

boundary r = rgy, i.e., we set the outer boundary of TPs as

M
X=— 3.40
2mwro,’ (3.40)
L. = 0.90x72,, (3.41)
3v
= — , 3.42
! 27’10ut ( )
Erp = —0.59. (3.43)

These boundary conditions make the viscous dissipation rates high, which are expected to

induce the high injection rates. We confirm that the results are almost unchanged if we set a

2
out"

slowly rotating outer boundary, such as [, = 0.3Qkr? .. For HEPs, we set the outflow boundary
condition. Under this condition, the inflow of HEPs at the outer boundary is prohibited such
that HEPs that diffuse out from the outer boundary do not return to the calculated region.

In this chapter, we assume that HEPs are accelerated only within the critical radius, i.e., the
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allocation factors are given as

[ (3.44)
0 (r> Teit)

feomp = fo (r < Ten) (3.45)
0 (7‘ > Tcrit)

We treat rq, fv,and f. as parameters. We set the free boundary conditions for the inner
boundary at r = 7y, because the flow should be supersonic at the vicinity of the black hole.

All the variables satisfy the condition 9/9r = 0 at r = ry,.

We summarize our model as a schematic picture in Figure 3.1

3.2 Calculation results

In our formulation, there are several free parameters, such as the diffusion parameter Cyy,
the allocation parameters f, and f., the critical radius r.;, and the injection Lorentz factor
Vinj- Since it is too complex to study with all the parameters varying, we fix the parameters
MgH, Tout, Tin, and rei, which are tabulated in Table 3.1. We choose ry,; = 150Rg in order
to shorten the calculation time. The effects of HEPs are expected to be large as rq;; is large,
and we use 7o = 100Rs. We calculate with the other parameters tabulated in Table 3.2.
Group A consists of the models without HEPs (f, = f. = 0). We compare the results of group
A with the previous global solutions of ADAF in order to confirm validity and consistency
of our formulation and method. By comparing the results among groups B-D, we investigate
the effects of the ways of injecting HEPs. Injection rates in group B-D are proportional to
the viscous dissipation rates, the compressional heating rates, and the total heating rates,
respectively. We consider a model E1 in which HEPs take away almost all energy. The

dynamical structure of this model is very different from the structures without HEPs.



CHAPTER 3. EFFECTS OF HIGH-ENERGY PARTICLES ON DYNAMICAL
46 STRUCTURE

Table 3.1: Fixed parameters
MBH/M® Tout/RS Tin/RS Tcrit/RS
108 150 1.5 100

Table 3.2: Models and their parameters

models  « B M/Mgaa fo fo Ynj Cas
Al 0.1 10 0.01 0.0 0.0 - -
A2 0.1 3 0.01 0.0 0.0 - -
A3 0.1 10 0.001 0.0 0.0 — -
A4 0.003 10 0.01 0.0 0.0 - -
B1 0.1 10 0.01 0.3 00 10* 10*
B2 0.1 10 0.01 09 00 10* 10*
C1 0.1 10 0.01 0.0 03 10* 10*
C2 0.1 10 0.01 0.0 0.9 10* 10*
D1 0.1 10 0.01 0.3 0.3 10* 10*
D2 01 10 001 06 06 10* 10*
D3 0.1 10 0.01 09 09 10* 10*
E1l 0.1 10 0.01 09 09 10 106

3.2.1 Dynamical structure of flows without high-energy particles

We show the results of group A for which there are no HEP. These results correspond to ADAF
models with no radiative cooling. Al is a reference model, A2 is a model with strong magnetic
fields, A3 with a low mass accretion rate, and A4 with a low a parameter. Figure 3.2 shows
the radial distributions of (a) the surface density X, (b) the specific angular momentum [,
(c) the radial velocity v, and effective sound speed c¢;, and (d) the integrated total pressure

P,oy for group A. From panel (c¢), we find that transonic solutions are realized in all models
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Figure 3.2: Radial distributions of (a) the surface density X, (b) the specific angular momentum [,
(c) the radial velocity v, and the effective sound speed cg, and (d) the integrated total pressure Pt for
group A. The solid, dashed, dotted, and dot-dashed lines are for models Al (reference), A2 (low ),
A3 (low M), and A4 (low o), respectively. The thin solid line in (b) represents the Keplerian angular
momentum. This figure is reproduced from Kimura et al. (2014a), by permission of the American

Astronomical Society.
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Figure 3.3: (a) Radial distributions of heating rates for A1l. The solid and dashed lines show the
viscous heating rate and the compressional heating rate, respectively. (b) Radial distributions of the
heating and cooling rates for HEPs in D3. The solid, dashed, dotted, and dot-dashed lines show
the injection rate, the compressional heating rate, the cooling rate by pp collisions, and the proton
escaping rate, respectively. This figure is reproduced from Kimura et al. (2014a), by permission of

the American Astronomical Society.
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by solving time evolution of a system of fluid equations. The sonic radii of our solutions are
between 2Rg and 4Rg, which are consistent with previous global solutions of ADAF (Chen et
al. 1997; Nakamura et al. 1997; Narayan et al. 1997).

Comparing Al (8 = 10, solid lines) with A2 (5 = 3, dashed lines), we found that the
strength of the magnetic pressure scarcely affects the dynamical structure. The dashed lines
in Figure 3.2 almost overlap with the solid lines. This feature is consistent with the previous
solutions (Nakamura et al. 1997). The mass accretion rate affects the surface density and the
total pressure. The surface density is proportional to M, and the total pressure Py o< 2 X M.
We can see this feature in panels (a) and (d) by comparing A3 (M = 0.001, dotted lines) with
Al (M = 0.01). However, the mass accretion rate has very little influence on the structure
of l,, v, and ¢5. In panels (b) and (c), the dotted lines completely overlap with the solid

lines. These dependences on the mass accretion rate are common features of ADAF solutions

(Narayan & Yi 1994; Kato et al. 2008).

The « parameter strongly affects the dynamical structure of the flows. For A4 (o = 0.003),
v, and ¥ are low and high, respectively, while ¢g is not very different, compared with the
reference model Al (o = 0.1). This makes the sonic radius smaller. The low a parameter
makes the transport of the angular momentum inefficient, and the flow rotates super Keplerian
in r ~ 3—4Rg. To realize a transonic solution, the radial velocity rapidly increases as r — Rs.
This makes the surface density rapidly decrease while ¢, is almost constant at the inner region
r < TRs. This causes the integrated pressure to decrease rapidly there. Thus, the integrated
pressure has the maximum at r ~ 7TRg. These features are also seen in previous solutions
(Chen et al. 1997; Nakamura et al. 1997; Narayan et al. 1997). Therefore, our solutions are

consistent with numerical solutions found in other studies.

We check the energy balance of the flow. Figure 3.3 (a) represents the heating rates
for A1. The solid and dashed lines show the viscous dissipation and compressional heating
rates, respectively. It is seen that the compressional heating is dominant in the inner region

(r < 60Rs) while the viscous dissipation is higher than the compressional heating in the outer
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region (r 2 60Rgs). However, the compressional heating rate is at most eight times higher than
the viscous dissipation rate at the innermost region. Both the compressional heating and the
viscous dissipation are important to heat up TPs in this model. In previous papers, the energy
balance was discussed by using the entropy. In that viewpoint, the compressional heating is
included in the advection term of the entropy (cf., Narayan & Yi 1994; Narayan et al. 1997),

and what determines the internal energy has not been explicitly discussed.

3.2.2 Dynamical structure of flows with high-energy particles

In this section, we show the results of models including HEPs. First, we compare the results
with different injection models. Group B consists of the models with f, # 0 and f. = 0, in
which injection rates are related only to the viscous dissipation. Figure 3.4 shows the radial
distributions of (a) the surface density X, (b) the specific angular momentum [,, and (c) the
radial velocity v, and the effective sound speed ¢;. From panels (a) and (b), the surface density
and angular momentum distributions of Bl (f, = 0.3) are almost same as Al (f, = f. = 0).
The surface density and the specific angular momentum of B2 (f, = 0.9) are a few tens of
percent higher than those of A1. Similarly, v, and ¢ of B2 are a few tens of percent lower than
those of Al. Panel (d) shows the radial distributions of the integrated pressure for B2, from
which we found that Prp is about twice higher than Pygp. Even with f, = 0.9, Prp always
dominates over Pygp. This is due to the efficient compressional heating, which dominates over
the viscous dissipation in the inner region. It is found that HEPs have little influence on the
dynamical structure for the models in group B because the total injected energy is not so high
compared with the total energy that heats up TPs. The thermal pressure for B2 is nearly
half of that for A1. This is because some fraction of the dissipation energy is expended for
injection of HEPs. Note that the compressional heating rate of B2 is about twice lower than
that of Al since the compressional heating rates are proportional to Prp.

Since the compressional heating dominates over the viscous dissipation at the inner region,

it is worth investigating the effects of injection related only to the compressional heating.
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Figure 3.4: Radial distributions of (a) the surface density X, (b) the specific angular momentum [,
(c) the radial velocity v, and the effective sound speed cs, for group B. The solid, dot-dashed, and
dotted lines are for B2 (f, = 0.9), B1 (fy, = 0.3), and Al (no HEPs for reference), respectively. The
thin solid line in (b) represents the Keplerian angular momentum. (d) Radial distributions of the
integrated pressure for B2. The solid and dashed lines represent Prp and Pygp, respectively. The
dotted line depicts Prp for Al (no HEPs) for reference. This figure is reproduced from Kimura et al.

(2014a), by permission of the American Astronomical Society.
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Figure 3.5: Radial distributions of (a) the surface density X, (b) the specific angular momentum [,
(c) the radial velocity v, and the effective sound speed cg, for group C. The solid, dot-dashed, and
dotted lines are for C2 (f. = 0.9), C1 (f. = 0.3), and Al (no HEPs for reference), respectively. The
thin solid line in (b) represents the Keplerian angular momentum. (d) Radial distributions of the
integrated pressure for C2. The solid and dashed lines represent Prp and Pygp, respectively. The
dotted line depicts Prp for Al (no HEPs) for reference. This figure is reproduced from Kimura et al.

(2014a), by permission of the American Astronomical Society.
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Figure 3.6: Radial distributions of (a) the surface density X, (b) the specific angular momentum
I, (c) the radial velocity v, and the effective sound speed cg, for group D. The solid, dot-dashed,
and dotted lines are for D3 (f, = f. = 0.9), D1 (fy, = fc = 0.3), and Al (no HEPs for reference),
respectively. The thin solid line in (b) represents the Keplerian angular momentum. (d) Radial
distributions of the integrated pressure for D3. The solid and dashed lines represent Prp and Pygp,
respectively. The dotted line depicts Prp for A1l (no HEPs) for reference. This figure is reproduced

from Kimura et al. (2014a), by permission of the American Astronomical Society.
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Group C consists of the models with f, = 0 and f. # 0, in which the injection rates are related
only to the compressional heating. Figure 3.5 shows the radial structures of the solutions of
group C. They are quite similar to those of group B. From panels (a) and (b) of Figure 3.5, it
is seen that the radial structure of C1 (f. = 0.3) is nearly the same as that of Al (f, = f. =0).
We found that HEPs scarcely affect the dynamical structure and that Prp > Pygp everywhere
even for model C2 (f. = 0.9). At r = ruy, the viscous dissipation rate is higher than the
compressional heating rate, so that Pggp in the outer region is slightly lower than that for
group B. The compressional heating is expended to inject HEPs rather than to heat up TPs.
This causes the specific internal energy of TPs to be low, and the angular momentum of C2
is slightly higher than that of Al owing to inefficient transport of the angular momentum.
This makes the viscous dissipation rate slightly higher, and the injection rate is lower than
the dissipation rate except for the innermost region r < 3Rs. Thus, the injection only from
the compressional heating cannot energize HEPs enough to satisfy Pygp > Prp. Although the
compression does not heat up TPs in group C, the slightly high dissipation rate causes the
total heating rate for TPs in C2 to be nearly the same as that in B2. This is why the results

of group C are quite similar to those of group B.

The pressure of HEPs does not dominate over the thermal pressure in groups B and C. This
motivates us to investigate the models in which the injection rates are proportional to the total
heating rates. Group D consists of such models with f, = f. # 0. Figure 3.6 shows the radial
structures of the solutions of models D1 and D3. From panels (a) and (b) of Figure 3.6, we can
see that the profiles of 3 and [, of D1 (f, = f. = 0.3) are nearly the same as those of Al. For
this model, the allocation factors f. and f, are so low that Pygp < Prp is satisfied everywhere.
From panel (d) of Figure 3.6, we see that Prp < Pygp in r < 40Rg for D3 (f, = f. = 0.9).
Since almost all energy released is spent to inject HEPs, the temperature of thermal particles
(kT = Prp/%) of D3 is about 20 times lower than that for Al in r < 10Rg, This may affect
the electron temperature, although we ignore the electron component in this chapter. On the

other hand, P,y of D3 is not different from that of A1 by an order of magnitude due to large
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Pygp. Although Prp < Pygp is realized for model D3, other variables for D3 are at most a few
times higher or lower than Al. Even if Pygp > Prp, HEPs do not strongly affect the radial

profiles of v,, ¢, [, and X.

We explain how HEPs affect the dynamical structure of the accretion flows. The solutions
with higher f, and/or f. have slightly higher ¥, higher [,, lower v,, lower ¢, and lower Pi.
As HEPs gain a large fraction of released energy, the specific heat ratio of accreting materials
is lower. This makes P, low, and the angular momentum transport is inefficient. This causes
the angular momentum to be high, and the strong centrifugal force makes v, low. The low v,
causes > to be high such that the mass accretion rate is constant. However, the effects of the
specific heat ratio cannot change the dynamical structure by an order of magnitude even if
Prp < Pggp is satisfied. The flow structures are the advection-dominated flows for the models

in groups B, C, and D.

This ADAF structures can be changed by HEPs when they extract almost all energy
released. We calculate the model E1 (f, = f. = 0.9, Cgig = 10°%) in which the accretion flow
loses most of the energy by proton escape. Figure 3.7 shows the results of E1. In this model,
the integrated pressure of HEPs is much lower than Prp because the escaping protons take
away almost all the injected energy. This makes ¢ low, which causes [, to be high. From panel
(b), we can see that in r < 8Rg, the flow has the Keplerian angular momentum. Since the
centrifugal force is strong owing to the high [., v, is low and thereby ¥ is high. Although HEPs
extract almost all energy, Prp for E1 is not so different from that for Al except in r < 5Rs.
This is because the increment of ¥ balances the decrement of ¢,. To realize a transonic solution,
the radial velocity is rapidly increasing in the inner region (r < 5Rg). This causes the surface
density to be rapidly decreasing, so that the integrated pressure has maximum at r ~ 5Rg.
This result indicates that an ADAF solution changes to a Keplerian thin disk when almost all
energy is taken away from the accretion flow by HEPs, which is consistent with the self-similar
solution obtained by Narayan & Yi (1994). However, this drastic change seem to make the

radiative cooling of electrons important (see Section 3.3.2).
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Figure 3.7: Radial distributions of (a) the surface density X, (b) the specific angular momentum 1,
(c) the radial velocity v, and the effective sound speed cs, for model E1. The solid and dotted lines
are for E1 (fy = fo = 0.9) and Al (no HEPs for reference), respectively. The thin solid line in (b)
represents the Keplerian angular momentum. (d) Radial distributions of the integrated pressure for
E1. The solid and dashed lines represent Prp and Pggp, respectively. The dotted line depicts Prp
for A1 (no HEPs) for reference. This figure is reproduced from Kimura et al. (2014a), by permission

of the American Astronomical Society.
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Next, we discuss what determines the number and energy densities of HEPs. Figure 3.3
(b) indicates the heating rates and cooling rates of HEPs for D3. We can see that the injection
rate Qinj and the compressional heating rate )y mygp are higher than the cooling rate by pp
collisions Qsinx and the diffusive escaping rate Qair everywhere. We find that Qv pep S Qinj
and that Qv mrp is not so high as to make 7, much higher than 7;,;. Thus, the mean Lorentz

factor is nearly the same value as the injected value,
Yen ~ Ying- (3.46)

This condition is satisfied within a factor of two. This result implies that the balance between
Qin; and the advection term, which is the second term of the left side of Equation (3.15),
determines Uyggp and Nygp. Note that the dominant process energizing the HEPs is different
among D1, D2, and D3. For D3 (f, = f. = 0.9), the injection from the viscous dissipation
mainly energizes HEPs because Prp is so low that the injection from the compressional heating
is inefficient. On the other hand, the injection from the compressional heating is dominant
for D1 (f, = f. = 0.3) because Prp is high enough to satisfy Qs < Qv rp. Both the viscous
dissipation and the compressional heating make nearly the same contribution to the injection

for D2 (f, = f. = 0.6).

3.2.3 Luminosities of escaping particles

We also calculate luminosities of escaping gamma rays, neutrinos, neutrons, and protons. We

define the luminosities as

L;= / 2mrQ;dr, (3.47)

in

where 7 refers to the kind of escaping particles and @); is the energy flux. We use @), = Qesc
for the neutron luminosity and @, = Qs for the proton luminosity. For estimating the
luminosity of gamma rays and neutrinos, we assume that all kinds of pions produced by pp
collisions have the same energy, Q.; = Q./3, where j = 4, —, or 0. Neutral pions decay into

gamma rays following Equation (1.4), and charged pions decay into neutrinos, electrons, and
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positrons following Equations (1.5) and (1.6). The electrons and the positrons are considered
to lose most of their energies rapidly by emitting gamma rays, and thus, we assume that their
energies are converted to the energy of gamma rays. Roughly speaking, the pion energy is
equally divided among the final products (Begelman et al. 1990). Under these assumptions

and assuming that all photons and neutrinos can escape, @), and ()., are represented as

3 3 1
Qu = ZQr‘r + ZQW— = éQﬂ, (348)
1 1 1
Qy = Qro + ZQﬁ + ZQr = §Qw- (3.49)

In this treatment, @), = @, is always satisfied, which leads to L, = L,. When all the neutrons

escape, the ratio of L, to L,(= L,) is determined exclusively by P,_,, and K, as
L,/L, = [Posn(l — K;)]/ K. (3.50)

In this model, we use P,_,, = 1/2 and K, = 1/2, so that L,/L, = 1/2.

We see the parameter dependences of the luminosities of the escaping particles. We choose
model D1 as a reference model. The parameters of the models calculated additionally are
tabulated in Table 3.3. We calculate various values of f, = f. (for groups D and F ), M
(for group G), Caig (for groups H and I), and vy (for groups J and K). Figure 3.8 shows
the luminosities of protons, neutrons, and gamma rays, L,, L,, and L,. Panel (a) shows the
luminosities as a function of the allocation parameters under the condition f, = f., where we
show the results of groups D and F. We calculate the models in group F in order to show
the effects of 5. The luminosity of the protons is the largest of the three and reaches about
2 x 1072M¢*. The gamma-ray or neutrino luminosity is lower than L, by about an order
of magnitude, L, = L, < 1073Mc2. In these groups, most of the generated neutrons can
escape owing to high i, so that L,/L, = 1/2. High f, makes the thermal pressure low and
thereby weakens the magnetic fields, which makes the diffusion coefficient higher. Thus, the
dependence of L, on f, is slightly stronger as f, is closer to unity. The proton luminosity is

low for low [ because the strong magnetic fields prevent the protons from escaping. On the

other hand, L, and L, are nearly independent of 3 owing to their charge neutrality.
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Figure 3.8: Luminosities of the escaping particles as the functions of parameters. The squares,
circles, and triangles denote Ly, L, = L,, and Ly, respectively. The open and filled symbols are
B =3 and 8 = 10, respectively. (a) Dependence on f, = f.. This panel shows the results for D1, D2,
D3, F1, F2, and F3. (b) Dependence on M. This panel shows the results for D1, G1 and G2. (c)
Dependence on Cgig. This panel shows the results for D1, H1, H2, I1, 12, and I3. (d) Dependence
on 7iyj. This panel shows the results for D1, J1, J2, K1, K2, and K3. This figure is reproduced from

Kimura et al. (2014a), by permission of the American Astronomical Society.
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Table 3.3: Models and their parameters

models o B M/Mgaa fo fe Ym Cas
F1 01 3 001 03 03 10° 10
F2 01 3 0.01 0.6 0.6 10* 10?
F3 01 3 001 09 09 10° 10
Gl 0.1 10 0.0001 03 0.3 10° 10
G2 01 10 1.0 0.3 0.3 10° 10
H1I 01 10 001 03 03 10° 10
H2 01 10 001 03 03 10° 108
Ir 01 3 001 03 03 10° 10
12 0.1 3 0.01 0.3 0.3 10* 10?
I3 01 3 001 03 0.3 10° 106
Jl 01 10 001 03 03 10" 10
J2 01 10 001 03 03 10° 10
Kl 01 3 001 03 0.3 10" 10
K2 01 3 001 03 03 10° 10
K3 01 3 001 03 03 10° 10

Panel (b) represents the M dependence, where we show the results for D3, G1, and G2.

For the low mass accretion rate M = 10~*Mgqq, L, ~ 1072M¢* and L, ~ 1076M¢? while
L, ~ 1074 Me? and L, ~ 3 x 1073M 2 for the high mass accretion rate M = MEdd. The

high mass accretion rates strengthen the magnetic fields and thereby decrease the diffusion

coefficient as k o« B~* o« M~Y2. The high mass accretion rates also strengthen the injection

rates, which makes the energy density of HEPs higher as Uggp o Qinj o< FPioy o< M. Thus,

roughly speaking, Ly, o< kUggp o< BP,o; o< M/2. Note that if we normalize L, by the accretion

luminosity Mc?, it is a decreasing function of mass accretion rates as L, /(Mc?) oc M~'/2. The
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neutrons and 7-ray luminosities are nearly proportional to M? since L < SNygp x M?2. We

can see that L, > L, for M < 10~ Mgqq and vice versa.

Panel (c) expresses the dependence on Cgg, where we show the results for D3 and the
models in groups H and I. The models in group I are different from those in group H in the value
of 3. For Cgig < 10%, the diffusive escaping rate is not so high that the balance of advection and
injection determines the energy density of HEPs. In this situation, L, oc x oc Cgig B o< Caig/3Y/2,
and L, and L, are not affected by the diffusion phenomena and are thereby nearly independent
of Cqg and . However, for very high Cgir, the escaping rate is high enough to balance
the injection rate, so that L, is limited at L, ~ 0.1 foMc*. Since the injection rates are
nearly independent of 38, L, for 12 (8 = 10, Cyug = 10°) is nearly equal to that for J3
(B =3, Cqig = 10°). Efficient proton escape makes Nggp low, which decreases the collision

rate. Thus, L, and L, with Cyig = 10% are several times lower than those in Cyg = 10

Panel (d) depicts the vy,; dependence of luminosities, where we show the results for D3
and the models in groups J and K. The models in group K are different from those in group
J in the value of f. The L, and L, in panel (d) are quite similar to those in panel (c). For
Yinj S 10%, the proton luminosity is proportional to i, since L, & £ & Jipj. The gamma-ray
luminosity is nearly independent of 75,;. The number density of HEPs is inversely proportional
to 7inj, while the energy per interaction is proportional to 7i,j. Since these effects balance,
L, is nearly independent of vi,;. On the other hand, the neutron luminosity with ~,; = 10
is a few times lower than that with ~;,; = 10%. This is because the neutrons cannot escape
from the outer region (r ~ 100Rs) with low ~y,; while they can escape with high 7i,;. For
very high 7, ~ 10°, the proton escaping rate is so high that escaping protons can extract
almost all injected energy. This is the same situation as the case with very high Cgg. The
proton luminosity is nearly equal to the total injection luminosity 0.1f,M¢c?, and L, and L,

with yinj = 10° are several times lower than those with Yinj = 103.

The proton luminosity strongly depends on many uncertain parameters such as 7i,; and

Cagr- This is due to the uncertainty of diffusion and acceleration of HEPs in the accretion
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flows. On the other hand, the gamma-ray, neutrino, and neutron luminosities do not have
strong dependence on such parameters. These luminosities strongly depend only on the mass
accretion rates. For widely acceptable ADAF mass accretion rates (M < 1072Mgqaq), these
luminosities are less than about 107*M¢2. This value is negligibly low to change the dynamical
structure from ADAF to the standard disk-like structure.

We also estimate the mass-escaping rates defined as

M, = 2mrm; Nidr, (3.51)

Tin
where i =p or n. We use Np = Ndiff and Nn = Nsink. Escaping protons have the Lorentz factor
Vese ~ Vinj, and we can write the mass-escaping rates as
LP

M, ~ . 3.52
P /yinjc2 ( )

The Lorentz factor of escaping neutrons is nearly half of ~,;. The mass-escaping rates of
escaping neutrons are represented as

2L,

R
YinjC

M, ~ (3.53)
Since L;, o< 7y in usual, Mp is independent of vi,;. On the other hand, M, is lower as Vinj 1S
lower because L, has a weak dependence on 7i,;. We find that M, < 10~*M and M, < 1073M

in our calculation. Since both M, and Mp are sufficiently less than M, the assumption that

we neglect the sink term in Equations (3.3) and (3.4) is valid.

3.3 Discussion

3.3.1 Implications for jet production

As we have seen in Chapter 2, HEPs escaping from the accretion flows are expected to be related
to the jet production. They are likely to inject some amount of kinetic energy and mass in

the funnel, which is available to launch the kinetically dominated jet. Although the escaping
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particles are considered to be isotropic, we discuss the case with the most efficient injection
in which all the escaping particles are injected in the funnel. If the accretion rate is high, the
neutron luminosity is higher than the proton luminosity, and it amounts to L, ~ 10-2M¢? for
G2. We note that what occurs in the high mass accretion rate is controversial because the
electron component is not expected to be negligible (see Section 3.3.2). For the lower mass
accretion rates, L, is lower since the neutron production is ineffective. In such situation, L, is
higher than L, if vy; is high, and the proton luminosity attains L, ~ 10-2M ¢? for the efficient
escaping models H2, 13, J2, and K3 (Cgig = 10° or 75,,; = 10°). Therefore, for AGN jets with
Liey S 1072M¢2, the energy injection by escaping particles is one of the viable mechanisms
for launching a relativistic jet over a broad range of mass accretion rates. In this model, the
terminal Lorentz factor is roughly equal to the average random Lorentz factor of particles. If
there is no other mass injection except for the escape of HEPs, the terminal Lorentz factor
of the jet is estimated as I' ~ ~,j. For 74, = 1000, this value is too high in comparison to

observed values.

> 102M c?, the energy injection rates by escaping

~

For bright AGN jets that have L
HEPs are not sufficient. The magnetically dominated jet models are feasible for these jets.
Although HEPs are expected to act as the source of mass injection, they cannot inject sufficient
amount of mass in our model. Mass injection rates to jets are M, < 10-3M for neutrons and
Mp < 107 for protons. This seems to be too low to explain the bright AGN jets Liet ~ Lgaq
with I' = 10 — 100.

Toma & Takahara (2012) first calculated the injection rates of mass and energy in the
funnel by escaping neutrons. They used a power-law energy spectrum of the isotropically
escaping neutrons and calculated the injection rates only for the neutrons that decay in the
funnel, although they did not solve the structure of the accretion flow. They estimate L, <
2% 1073M¢c? and M, <6 x 10~*M. The total rates, including the neutrons that do not decay
in the funnel, i.e., the isotropic escaping rates, are around L, ~ 0.03M¢?, which is slightly

higher than those in our models. This is because they assume the high heating rate and the
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short infall timescale tg = 7 /v, at the vicinity of a SMBH. On the other hand, our model does
not include the spectrum of HEPs that is considered to affect the escaping rates of HEPs. In
order to clarify injection rates of mass and kinetic energy, we should construct a more realistic

model (see Section 3.3.2).

3.3.2 Effects of ignored processes

In this chapter, we ignore the effects of the electron component and radiation from the thermal
component. If electrons obtain a large amount of thermal energy, they radiate the energy away
by synchrotron emission and bremsstrahlung. Under the assumption that electrons obtain
thermal energy from protons by Coulomb collisions and that electrons are non-relativistic,
the timescale of energy transport from protons to electrons is estimated as (cf., Spitzer 1962;

Takahara & Kusunose 1985)

Tm 1 KT, KT, \*?
PR UL D °) 3.54
P \/;me norcln A (mpc2 * mec2) (3.54)

where we use the Coulomb logarithm In A, the Boltzmann constant k, the proton temperature

T, the electron temperature 75, and the electron mass m.. We estimate t,_. under the
assumption that T, /m. = T,,/m,,. If the energy transport time ¢,_. is less than the infall time
tea, the effects of the electron component should be relevant. At r ~ 10Rg, the ratio of these
two timescales is roughly t,_./ten ~ 10 for M = 0.01MEdd and t,_c/tgan ~ 0.1 for M = MEdd.
Thus, for low mass accretion rates like M= 0.01MEdd, the electrons do not affect the dynamics
of the flow whereas the effects of electrons should not be ignored for high mass accretion rates
as M ~ Mgqq. The solutions realized in such situations are not well understood, and thus we
are not concerned with this problem. If we consider high f, and f., the density is high, and ¢
and v, are low. This makes it difficult to satisfy t,_e > tgy. For model D3 ¢,_c/trn ~ 0.3 at
r ~ 10Rg, and for model E1, ¢, _/tgn ~ 0.03 at r ~ 10Rg even if M= 0.01MEdd. Thus, when
HEPs affect the dynamical structure, the electrons are also expected to play important roles

on the dynamical structure.
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When Pygp > Prp, the temperature of thermal protons are significantly lower than that
without HEPs. This makes it inefficient for protons to transfer thermal energy to the electrons
by Coulomb scattering. Thus, the electron temperature is likely to be lower, which causes
the radiation spectrum from RIAFs to change significantly. However, since there are other
mechanisms of electron heating in RIAFs (see Chapter 2), it is unclear whether the electron
temperature becomes lower as the proton temperature becomes lower. We should formulate

the accretion flows with the electron component to study this effect in detail.

The ADAF solution is considered to produce not only jets but also disk winds (see Narayan
& Yi 1994; Blandford & Begelman 1999). Many studies on accretion flows with the multi-
dimensional simulations show that the disk winds are very common phenomena (e.g., McKin-
ney 2006; Ohsuga & Mineshige. 2011). The disk winds affect the mass accretion rates, angular
momentum transport, and internal energy. Though it is important to include effects of the disk
winds, modeling those effects in the one-dimensional model is not simple. A multi-dimensional
study is necessary in order to understand the effects of the disk winds, and it remains to be

addressed as a future work.

Turbulent magnetic fields in the accretion flow are related to the acceleration and diffusion
process of HEPs. According to the quasi-linear theory of the wave-particle interaction, Cyig is
related to the strength of the turbulent magnetic fields at the scale of the resonant wavelength.
In accretion flows, turbulent magnetic fields are expected to be induced by MRI. Typically, the
injection scale of the turbulent magnetic fields, which is around the scale height of the accretion
flow, is about 10 orders of magnitude larger than the gyration scale of HEPs (Dermer et al.
1996). This difference between the two scales is expected to make the turbulent fields very
weak at the gyration scale of HEPs. Thus, the Bohm limit that corresponds to Cgg = 1 is
unlikely to be suitable in the accretion flows, and we have used Cgig = 102, 10*, and 105. We
note that the acceleration of HEPs is inefficient for high Cgg because high Cg¢ means that
HEPs rarely interact with the turbulent magnetic fields. From the point of view of particle

acceleration, it seems difficult to produce a large amount of HEPs by stochastic acceleration
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for the models with Cyg = 10°.

We assume monoenergetic HEPs in order to use the moment equations of the diffusion
convection equation. Actually, HEPs have energy spectra that are determined by acceleration,
escape, and cooling processes (e.g., Dermer et al. 1996). Owing to the energy dependence of
the diffusion coefficient, particles with higher energy are considered to escape from the flow
faster than those with lower energy. This feature likely affect the luminosity and mass-escaping
rates of protons. In order to discuss the diffusive phenomena more precisely, we should model

and solve the acceleration process with including the momentum dependence of HEPs.

3.4 Summary

We study the effects of HEPs on the accretion flow onto a SMBH. We also calculate the
luminosities of escaping particles such as protons, neutrons, gamma rays, and neutrinos.

We formulate a one-dimensional model of the two-component accretion flow consisting of
TPs and HEPs. The thermal component is governed by fluid dynamics, where we ignore
the effects of radiative cooling. For HEPs, the moment equations of the diffusion-convection
equation are solved with accounting for coolings by pion production, neutron escape, and
proton escape. We assume that the injection rates of HEPs are related to the heating rates
of TPs. We obtain steady state solutions by solving the time evolution of these equations.
Without HEPs, we obtain advection-dominated solutions that have features consistent with
those obtained by previous studies. Including HEPs, we also obtain advection-dominated
flows, and the effects of HEPs on the flow structure turn out to be small even if the pressure of
HEPs dominates over the thermal pressure. In this case, the temperature of thermal particles
are much lower than that without non-thermal particles. This may have some influence on
the electron temperature, although we ignore the effect in this chapter. For a model in which
the escape of high-energy protons takes away almost all energy, the accretion flow has the

Keplerian angular momentum, a slow infall velocity, and a high surface density. However, this
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solution is incomplete in the sense that it ignores the electron component because electrons
are expected to be important for the accretion flow with high surface density.

We calculate the luminosities of escaping particles for these steady solutions. For low mass
accretion rates and high injection Lorentz factors of HEPs with high diffusion coefficients,
the luminosity of diffusively escaping protons amounts to L, ~ 102M¢c?. In contrast, for
high mass accretion rates, the luminosity of escaping neutrons, Ly, is higher than L, and its
maximum value is nearly the same as that of the protons L, ~ 10"2M¢2. The luminosities of
gamma rays and neutrinos are a few times higher than L,. We note that radiative processes
are expected to be important for high mass accretion rates. Though HEPs have little influence
on dynamical structures, it is possible to extract some amount of energy through HEPs. They
are considered to play some roles for the production of relativistic jets in terms of mass and

energy injections.






Chapter 4

Neutrino and Cosmic-ray proton

Emission from Hot Accretion Flows

The accretion flows onto SMBH can emit cosmic ray (CR) protons, neutrinos, and gamma rays.
The IceCube collaboration reported the detection of extraterrestrial neutrinos (Aartsen et al.
2013a, 2014), and they are likely to originate from high-energy astrophysical sources. Although
many models are proposed to explain the IceCube neutrinos, the origin is still controversial. In
this chapter, we propose the LLAGN model as a candidate for the IceCube neutrino sources,
and discuss the emission of protons and gamma rays from LLAGNs. Note that we use a
different formulation of RIAF model from that described in Chapter 3. Here, we ignore the
spacial distribution of accretion flow. Instead, we take the momentum distribution of non-
thermal protons into account. We set up the physical quantities of RIAFs using one-zone
approximation in Section 4.1. We take a momentum space into account and show the calculated
neutrino and CR proton spectra from typical RIAFs in Section 4.2. The diffuse intensity of
the neutrinos and CR protons are shown in Section 4.3. We discuss gamma-ray emission from
LLAGNS and other AGN models in Section 4.4, and summarize the results of this chapter in
Section 4.5. This chapter is based on Kimura et al. (2014b).
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4.1 Physical setup

Here, we model the emission from RIAFs with a one-zone approximation, where it is assumed
that particles are accelerated only within some radius R. When one considers the structure
of accretion disks, the multi-dimensionality is important in general. But we consider that our
approach is enough as the first step to consider high-energy neutrino emission from RIAFs. We
show the schematic image of the one-zone RIAF model in Figure 4.1.Protons are accelerated
through the interaction with turbulent magnetic fields in RIAFs. These protons generate
pions via pp and py reactions and/or escape from the flow by diffusive motion. The pions
decay to gamma rays, neutrinos, electrons, and positrons. The neutrinos easily escape from
the flow, while the gamma rays are likely to be absorbed through the pair production process.
The electrons and positrons can also emit gamma rays, and synchrotron cascades seem to
occur. We focus on the neutrinos and CR protons, and do not discuss the detail of gamma-ray

spectrum in this chapter.

4.1.1 Physical quantities of RIAF's

RIAFs are the hot and rapid infall accretion flows. We set the radial velocity v,, thermal
proton density n,, thermal pressure Prp, and strength of magnetic fields B of our RIAF model

as follows,

v, = Qug, (4.1)
M
= — 4.2
" 27 R?v,m,,’ (4.2)
G Mgn
Prp = W3R M (4.3)
B = 8”?“’, (4.4)

where « is the alpha parameter (Shakura & Sunyaev 1973), v = /G Mgy /R is the Keplerian

velocity, M is the mass accretion rate, Mpy is the mass of the super massive black hole (SMBH),
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Figure 4.1: The schematic picture of our one-zone RIAF model. The protons are accelerated inside
RIAFs. They generate pions through pp and py reactions and/or escape from the flow by diffusive
motion. The non-thermal neutrinos are produced by pion decay, and escape from the flows. The

gamma rays are also produced by pion decay and synchrotron from electrons and positrons.

and [ is the plasma beta parameter. We assume the scale height of the low H ~ R. We
normalize the radius and mass accretion rate as w = R/Rs and m = M / Mgad, respectively,
where we use the Schwarzschild radius Rg = 2G Mgn /02 and the Eddington accretion rate

MEdd = LEdd/C2- This makes

R = 2.95x 10" @ Mgy 7 [cm], (4.5)
v = 6.7x10° w; %o, [cm sec™], (4.6)
n, = 11x10° oy ?aZlMgh iy [em™), (4.7)
B = 4.9x10* w; a7y 8, P My P!} [Gauss), (4.8)
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where A, = A/10", except Mgy, = Mpu/(10" M) and B3 = /3. If we consider small w < 5,
v, and n, is quite different from above expression because the flow becomes supersonic and
particles go into the SMBH quickly (Narayan et al. 1997; Kimura et al. 2014a). In this chapter,
we fix the parameters a = 0.1, § = 3, and @w = 10 for demonstration. Note that the physical
quantities of RIAFs in this chapter are slightly different from those in Chapter 2.

4.1.2 Thermal electrons and target photon fields

The photomeson production is an important process of the neutrino and/or gamma-ray pro-
duction. To estimate this, we need to obtain target photon spectra.

First, one needs to know the electron temperature. Since the relaxation time between
electrons and protons in RIAFs is longer than the infall time ¢y (see Section 4.2), electrons
would have different temperature from that of the protons (Takahara & Kusunose 1985). The
mechanism of electron heating in RIAFs is determined by details of dissipation in collision-
less plasma (Quataert & Gruzinov 1999; Sharma et al. 2007; Howes 2010), but the accurate
prescription for the turbulent heating is not well understood. According to Sharma et al.
(2007), the electron temperature in RIAFs with i = 0.01 is ~ 5 x 10? K and little depends
on the heating prescription. The dependence of electron temperature on 7 is not so strong,
T, ~ 2 x 10" K at tn = 10~*. In this work, for simplicity, we treat 8, = kgT,/(m.c?) as
a parameter, and consider the range of 1 < 6. < 4. Then, when electrons are thermalized
(Mahadevan & Quataert 1997), they obey the relativistic Maxwellian distribution,

’Ygﬂe eXp(_%/@e)

Ne(7e) = ne 0.K5(1/6,)

(4.9)

where n, is the electron number density, 5. and 7. are the velocity and the Lorentz factor of the

thermal electrons, respectively, and Ks(x) is the second modified Bessel function. We ignore

effects of the pair production on the thermal component for simplicity, which gives n, = n..
It has been suggested that in LLAGNS, emission comes from a jet, an outer thin disk,

and a RIAF (Nemmen et al. 2006, 2014). In this chapter, we consider only radiation from
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the RIAF because the radiation from the jet and the thin disk would be sub-dominant. We
use one-zone approximation and calculate the photon spectrum within the acceleration radius
R. Thermal electrons in the RIAF emit radiation through the synchrotron, bremsstrahlung,
and inverse Compton scattering. We use fitting formulae of the emissivity of bremsstrahlung
and synchrotron (Narayan & Yi 1995). Assuming the local thermodynamic equilibrium with
Eddington approximation (Rybicki & Lightman 1979), we can get the photon fields from the
synchrotron and bremsstrahlung. This treatment consistently includes the synchrotron self
absorption (Manmoto et al. 1997). Using this photon fields as the seed photons, spectra of
inverse Compton scattering are calculated. See Appendix C for details of the calculation of

the target photon fields.

Figure 4.2 shows target photon spectra in RIAFs for models A1, A2, and A3, whose pa-
rameters are tabulated in Table 4.1 (where the parameter ¢ will be introduced in Section 4.2).
We fix the parameters a = 0.1, § = 3, @w = 10, and 6, = 2.0. For the reference model Al,
the synchrotron component has a peak at £, ~ 0.03 eV. The thermal electrons scatter seed
synchrotron photons efficiently, and make a few peaks from the infrared to soft X-ray range.
Multiple-scattered photons may make almost flat spectrum for hard X-ray range. The spec-
trum has a cutoff corresponding to the electron temperature. The inverse Compton scattering
dominates over the bremsstrahlung in all the frequency range for Al.

The efficiency of the inverse Compton scattering depends on y parameter, y ~ n.opR0? o<

1207192 where o is the Thomson cross section. Low 71 makes the y parameter low, so

mw
that the spectrum by the inverse Compton scattering is soft. This causes that bremsstrahlung is
dominant at hard X-ray range. For A2, y parameter is less than unity, and the bremsstrahlung
dominates over the inverse Compton in E, > 2 x 10* eV. The y parameter is independent
of Mgy in our formulation. The high Mgy makes luminosity higher due to large R and high
M. Tt also makes the synchrotron peak frequency low because of weak B. The profile of the

spectrum for A3 is similar to that for A1 but the luminosity for A3 is about ten times higher

than that for Al.
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Table 4.1: Model parameters for the spectrum from a LLAGN

model m  Mpu[Ms] ¢
A1 (reference) | 1072 107 0.1
A2 1073 107 0.1
A3 1072 108 0.1
A4 1072 107 0.3

4.2 Spectra of non-thermal particles in a typical RIAF

4.2.1 Plasma in accretion flows

If the infall time tg,); is shorter than the relaxation time due to the Coulomb scattering t., it
allows the existence of non-thermal particles. The infall time for RIAFs is estimated to be

R
tan ~ — ~ 4.4 x 10> 0~ Mgy 7 [s], (4.10)
(Y

r

whereas the relaxation time is estimated as

. 47 1 (mp)Q(kBTp>3/Q
rel — 7 A

In A nyore \'me myc?
~ 2.1 x 107a_ Mgy 71”5 [sec] (4.11)

where In A is the Coulomb logarithm (e.g., Spitzer 1962). Thus, RIAFs satisfy t.q > tp,
which allows F'(p) to be non-thermal (cf., Takahara & Kusunose 1985; Mahadevan & Quataert
1997). For RIAFSs, tg,) has the same order as the dissipation time via the « viscosity tq;s (e.g.,
Pringle 1981). Thus, the proton distribution function in RIAFs may not be Maxwellian within
the dissipation time.

The protons inside RIAFs are scattered by turbulent magnetic fields. This process changes
a momentum of each proton whose distribution function may be different from Maxwellian.

In this chapter, we consider relativistic protons in RIAF's, assuming that they are governed by
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Figure 4.2: Target photon spectra emitted by thermal electrons in RIAFs. The red-solid, the brown-
dashed, and blue-dotted lines show models A1 (reference), A2 (low ), A3 (high Mpy), respectively.
The target photon spectrum for model A4 is the same with that for Al. This figure is reproduced

from Kimura et al. (2014b), by permission of the American Astronomical Society.

the Fokker-Planck equation (e.g., Stawarz & Petrosian 2008)

0 1o, 0 P B F(p) o
570 = 2|7 (Dug )+ P )| - T 4 (4.12)

where F'(p) is the distribution function of the non-thermal protons, p is the momentum of the
protons, D, is the diffusion coefficient for the momentum space, ij is the injection term, t.qo
is the cooling time, and t. is the escaping time. The escaping time consists of both diffusive

escape and infall to the black hole. We do not consider non-thermal electrons because electrons
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have much shorter relaxation time than protons. They become thermalized within infall time
when 72 2> 107* (Mahadevan & Quataert 1997).

It is considered that quasars have standard disks, in which the physical quantities are
much different from those in RIAFs. For the Shakura-Sunyaev disks in the gas pressure
dominant regime (gas-SSD, Shakura & Sunyaev 1973), we have longer tpy (tean = R/v, ~
R/(avk)(R/H)? ~ 3 x 10® sec), and shorter t,q (~ 3 x 107 sec < tg;5) than those of RIAFs.
The dissipation time tq;5 is the same as that of RIAFs (see Equation [4.10]). Thus, t,q < tais <
tan is satisfied in gas-SSDs. The distribution function F(p) is expected to be Maxwellian due
to the efficient Coulomb scattering.

Note that if we consider relativistic particles, we should compare the Coulomb loss time

for relativistic particles tcou to tais. The Coulomb loss time is estimated to be (e.g., Dermer

et al. 1996)

—1)(3.802° +1.0)R
oo ~ 122502 = D o +10R (4.13)
71 In c

where 7, is the Lorentz factor of the proton and 7r is the optical depth to Thomson scattering.

2 2. Thus, the Coulomb loss is

~

Since 7 < 0.1 for RIAFS, tcou > tais is satisfied for 7,
unimportant in RIAFs. On the other hand, for gas-SSDs, the Coulomb loss time is much
shorter than the dissipation time for v, < 10% because they have 7r ~ 10%. Therefore, it seems
difficult to accelerate the particles in gas-SSDs. For other solutions, such as standard disks in
the radiation pressure dominant regime (Shakura & Sunyaev 1973) and magnetically arrested
disks (Bisnovatyi-Kogan & Ruzmaikin 1974), the Thomson optical depth may not be as high
as gas-SSDs, and it might be possible to satisfy tgqis < tcou-

4.2.2 Timescales

Equation (4.12) involves three important timescales, the acceleration time t,cca = p?/D,, the
escape time t.., and the cooling time t.qq1.

In this chapter, we assume a power spectrum P(k) oc k79, and fix the index of the power
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spectrum g = 5/3 for simplicity. This value is motivated by the Alfvénic turbulence (Goldreich
& Sridhar 1995), although other modes may also play an important role on particle acceleration.

According to the quasi-linear theorem, the diffusion coefficient is (e.g., Dermer et al. 1996)

D, >~ (myc)* (chimin) (%)2 ((rLkmin)qﬁfyg, (4.14)

where Kyi, ~ R™! is the minimum wave number of the turbulence, va = B// 4mmyn, is the
Alfven speed, r, = m,c*/(eB), 7, is the Lorentz factor of protons, and ¢ = 87 [ P(k)dk/Bj
is the ratio of the strength of turbulent fields to that of the non-turbulent fields. Then, the

acceleration time is

; P oL (vA>—2R (m)Q—q 2-¢
accel — D C c c R Wp

1.1 x 10%w;™ 2P 85O My =y O iy [sed. (4.15)

~Y

We consider diffusion and infall as the escape from the given zone, and write the escaping

rate as
- -1 -1
tesc = tfall + tdiff’ (416)

The particles fall to the SMBH in the infall time, given by Equation (4.10). For isotropically

turbulent magnetic fields, the diffusion time is (e.g., Stawarz & Petrosian 2008)

OR  /rp\12
tar >~ — ¢ <—L> 7
~ 6.7 x 10%, a0 B O M i x 1 [sed]. (4.17)

In this chapter, we neglect escape of neutrons and reaction of the neutrons because they are
sub-dominant in our models.
For the cooling time, we consider inelastic pp and py reactions, and the proton synchrotron

emission process. The total cooling rate is given as

cool T

1 _ 1 1 1
t. tp Tl + tme (4.18)
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where ,,, t,, and tsn are cooling time scales for each process. We neglect the inverse Compton
scattering by protons and the Bethe-Heitler process because they are typically sub-dominant.

The synchrotron cooling rate is

4 (m 3 CO’TUB
-1 e
tsync - g (mp) 2 Vo> (419)

where Up = B?/(87) is the energy density of the magnetic fields. The pp cooling rate is
t;pl = NpopCKyy, (4.20)

where K, ~ 0.5 is the proton inelasticity of the process. The total cross section of this process

opp 1s represented as a function of the proton energy E,,

20 ) | )

p

E, e 4
Opp = (34.3 + 1.88L + O,25L2) [1 _ ( pp,th >

for E, > E,pnr, where L = log(E,/1TeV) and E, it =1.22 GeV (Kelner et al. 2006). The py
cooling rate is

dz0, (2)K, (2)e / ap, o) (4.21)
£/(27) 2

C

= 5.2
2,7[) gthr

-1
tP’Y

where € and E, are the photon energy in the proton rest frame and the black hole frame, respec-
tively, N, (E,) is the photon occupation number, and &y, =145 MeV. We use the rectangular
approximation for this process (Stecker 1968). Assuming o, (&) K, (&) = (& —€px) 0pr K px Aépi,
we write 1, as
= Q—%EPkAepkapkak / o dEV%?, (4.22)
where €, ~ 0.3 GeV, opx ~ 5 x 10728 em?) K ~ 0.2, Aéy, ~ 0.2 GeV.
Figure 4.3 shows the timescales for models Al, A2, A3, and A4, whose parameters are
tabulated in Table 4.1. For low values of £, taccer is the shortest for all the models. At some

energy F, eq, taccel = tesc is satisfied. Above the energy, where fee < faccel, the acceleration
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Figure 4.3: Energy dependence of the timescales. We plot the cooling time (thick-red-solid), the
escape time (thick-brown-dashed), and the acceleration time (thick-blue-dotted). The thin-solid,
thin-dashed, and thin-dotted lines show the t,, ,t,,, and teyne, respectively. Panels (a), (b), (c), (d)
show the cases for models A1 (reference), A2 (low ), A3 (high Mpy), and A4 (high (), respectively.

This figure is reproduced from Kimura et al. (2014b), by permission of the American Astronomical

Society.

is limited by escape. Since tgig is shorter than tgy at E,.,, we can roughly estimate it by
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equating Laift and taccela

3¢coa\’ (R
e & TL
~ 14 x 10%m Yy M ol ¢ By 2y . (4.23)

This characteristic energy strongly depends on (. The higher 7 or lower 5 makes the magnetic
fields stronger, so that the 7, ¢ is higher. The larger w weakens B, which leads to lower 7, ¢q-
The estimation in Equation (4.23), where the infall time is neglected, gives 2-3 times higher
value than E, ., (which can be seen in Figure 4.3), but the parameter dependence in Equation
(4.23) is correct as long as we choose § < 5. We note that E,., does not correspond to
the peak energy of the E,Lg, spectrum (see the next subsection). When diffusive escape
limits acceleration, the distribution function declines gradually above £, ., and asymptotes to
F(p) «x E)/? exp(—(27E,/E,q)'/?) for ¢ = 5/3 (Becker et al. 2006). This allows the protons
to have about 10 times higher energy than the estimate in Equation (4.23). Thus, LLAGNs
can have the protons up to E, = 10'® eV when ¢ 2> 0.2.

For all the models, at low energies, pp inelastic collisions dominate over synchrotron and the
photomeson production processes. At high energies, the photomeson production is dominant
for A1, A3, and A4 (high 7), whereas the synchrotron cooling is the most efficient for A2
(low ). This is simply because the number density of target photons strongly depend on 7.

Other parameters do not strongly affect this qualitative feature of cooling time scales.

4.2.3 Spectra of non-thermal particles

When we solve Equation (4.12), we treat the injection term as a delta-function ij = Fyd(p—
Dinj), Where py,; is the injection proton momentum and Fjy is the normalization factor of injec-
tion. We fix pin; = 2my,c because pyy; little affects the profile of distribution function as long as
we choose pipjc K Ep oq. We assume that the total luminosity expended to inject and accelerate
relativistic protons is proportional to the released luminosity by accretion, Lacet ~ Mc2. As

seen in the previous subsection, the proton acceleration is limited by escape. We determine
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the normalization of relativistic protons such that the luminosity of injection and acceleration

balances with the escape luminosity, i.e.,
. 47p? F(p)E
NeeM? = / 4V / dpwt—@p, (4.24)

where 7., is a parameter of injection efficiency. This parameter determines the normalization
of the non-thermal protons, not affecting the shapes of the spectra. Kimura et al. (2014a)
shows that the non-thermal particles do not affect the dynamical structure if 7., < 0.1. We
use 7., = 0.01 as a fiducial value.

We solve Equation (4.12) until steady solutions are realized by using the Chang-Cooper
method (Chang & Cooper 1970). See Appendix D for the test calculation of the Fokker-Planck
equation. We set the computational region from E, = 1.5 GeV to 10" GeV and divide the
grids such that they are uniform in the logarithmic space. The number of the grid points is
N = 500. We calculate some models with N = 1000 and find that the results are unchanged
by the number of grids.

Since the peak energy is determined by CR escape for all the models, the profiles of the
distribution functions are quite similar to each other. They show a power law F'(p) < Ej, (1+9)
for low £,. For £, > E, o, they deviate from the power-law and decrease gradually, compared
to the exponential cutoff. After obtaining F'(p), we estimate the differential luminosity spectra
of the escaping protons to be
Anp*F(p)E,  An*cR*p*F(p)

tair taifr

E,Lg, = / av (4.25)

We plot E,Lg, in Figure 4.4. We tabulate parameter sets in Table 4.1, fixing the parameters
a=01, =3 r=10,0. =20, ¢ =5/3, and 7, = 0.01. For Al, the luminosity reaches
~ 3x10% erg s~!. Since the total luminosity of escaping protons is proportional to the released
energy Mc?2, the peak luminosity of escaping protons is almost proportional to r and Mgy (see
A2 and A3 in Figure 4.4), while it is almost independent of other parameters. All the models

have a power law, E,Lg, o< E)7%, for E, < Epq. For E, > E, o, the spectra deviate from the
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power law, and asymptote to oc Ey”/® exp(—(27E,/Ey.q)'?) (Becker et al. 2006). This makes
a peak at the energy E, x ~ 30E, .. The parameter dependence of E, ,x is consistent with
the estimation by Equation (4.23).

The neutrino spectrum is estimated to be

1 3
E,Lp = —+ — | 4np*’E,F(p), 4.26
E, (2tpp+8tm> mp° EpF(p) (4.26)

where E, = 0.05E), is the neutrino energy. As long as the pp reaction is the dominant process
of neutrino production, this treatment becomes invalid for spectra that are harder than F(p)
p~2% — p727 (e.g., Kelner et al. 2006). Since we expect hard proton spectra F(p) oc p~(1+9
with ¢ = 5/3, our analytical method to calculate neutrino spectra will not be accurate at low
energies. Thus, we show neutrino spectra only at E, > 1 TeV energies.

Figure 4.5 depicts spectra of neutrinos. The neutrinos are mainly made via the pp collisions
for A1, A2, A3, because t,, < t,, for £, < E, k. The pp cooling rate is almost independent
of the proton energy. Thus, neutrino spectra are similar to those of protons unless proton
spectra are too hard. The neutrino luminosity at the peak is estimated to be E,Lpg, | Eype X
Neet? Mppa ™! 812, where E, . = 0.05E,, . is the peak neutrino energy. We can see this feature
in Figure 4.5 by comparing the dotted lines. On the other hand, both the pp and py processes
are important for A4. The photomeson production is dominant for £, > 10° GeV in A4.
This makes another peak in the spectra for A4 because the py neutrino spectrum reflects the
target photon spectrum. For example, in A4, the target photon field has a bump made by the
inverse Compton scattering at £, ~ 2 eV, which leads to a peak in the neutrino spectrum at
E, ~ 3 x 10°% GeV.

Since proton acceleration is limited by escape in our models, the total injection luminosity
is almost the same as the CR escape luminosity. This allows us to write the efficiency of pion
production as

fr R tese (tyy +1,,) - (4.27)

If t,, <t,, and taig < tean at E,oq, We can write the parameter dependence of pion production
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efficiency at E,qq as fr o< ma~'5Y2. Thus, LLAGNs with high 772 can emit neutrinos more
efficiently than those with low 7. On the other hand, we cannot simply write down the
parameter dependence of neutrino luminosity for py dominant cases because it depends on the
target photon spectrum. The efficiency of pion production is f, ~ 0.02 for Al (pp dominant)
while f; ~ 0.08 for A4 (py dominant). These values mean that most of the high-energy protons
escape from RIAFs without losing their energies.

If we consider models that have high 6., ¢, and 7, compared to Al, CR acceleration is
limited by the photomeson production because high ( increases ¢4, and high r or 6. decreases
tpy. In this case, the scaling of the peak energy is different from the one obtained with Equation
(4.23), and proton spectra could change (see, e.g., Stawarz & Petrosian 2008). However, this
parameter range looks extreme in our model. High m and 6, lead to high photon luminosities
f L.dE. ~ Lgqq, which are inconsistent with the concept of RIAFs. In addition, ¢ should be
sufficiently less than unity for the validity of the quasi-linear theory. Thus, we can focus on

the escape limit cases.

4.3 Diffuse intensities of neutrinos and cosmic-ray pro-
tons

The diffuse neutrino intensity from extragalactic sources is given by (e.g., Alvarez-Muniz &

Mészaros 2004; Murase et al. 2014)

B c Zmax dZ
v 47T]—IO 0 \/QM<1+Z)3—|—QA
Limax Lg (L
X / dLxo(Lx, @% (4.28)
Lmin v

where ¢(Lx, z) is the luminosity function, E/, = (1 + 2)E, is the neutrino energy at the rest
flame of LLAGNs. We assume that LLAGNSs exist from z = 0 to 2 = 2y and from L., to
Lnlax~



CHAPTER 4. NEUTRINO AND COSMIC-RAY PROTON EMISSION FROM HOT

84 ACCRETION FLOWS
4?2
4l -
‘_I‘C/J S,
5 40 R
Amﬁ ‘\“
o, 39 — “_ ]
=) 3
y |
= 38 L -
37 17 | ;

log(E, [GeV])

Figure 4.4: Differential luminosity spectra of escaping protons for models A1 (red-solid), A2 (brown-
dashed), A3 (blue-dotted), and A4 (magenta-dot-dashed), respectively. This figure is reproduced from

Kimura et al. (2014b), by permission of the American Astronomical Society.

The luminosity function of H, from nearby LLAGNS is plotted in Ho (2008). Here we
assume a broken power law shape,

N/ L
Ly,/L)™ + (L, /L)

From Figure 8 of Ho (2008), we find L, = 103 erg s™!, n, ~ 1.3x1072Mpc ™3, 51 ~ 1.64, 55 ~ 1

wo(Ln,) = ( (4.29)

between 3 x 10%0 erg s7! < Ly, < 3 x 10*! erg s~!. For LLAGNS, Ly, is related to Lx in 2-10
keV as Lx ~ 5Lpg, (Ho 2008). Since the redshift evolution is poorly known, we assume no

evolution of the luminosity function ¢(Lx, z) = ¢o(Lx). This is because LLAGNs are similar
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Figure 4.5: Differential luminosity spectra of neutrinos. The solid lines represent the total neutrino
spectra. The dotted and dashed lines show the neutrino spectra from pp and py interactions, respec-
tively. Panel (a) shows the models Al (red-thick lines) and A2 (black-thin lines). Panel (b) shows
the models A3 (red-thick lines) and A4 (black-thin lines). The thin-dot-dashed line (total spectra for
A1) is also plotted for comparison in Panel (b). This figure is reproduced from Kimura et al. (2014b),

by permission of the American Astronomical Society.
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to the BL Lac objects in the sense that they have a faint disk component. The luminosity
function of BL Lac objects is nearly consistent with no evolution (Ajello et al. 2014).

In our RIAF model, we can obtain photon spectra from the thermal electrons, and thereby
calculate Ly for given Mgy, 0., and m, as described in Section 4.1. We assume that LLAGNs
have the same values of Mgy and 6., and then we can relate m to Lx. Then, we can integrate
Equation (4.28), using the relationship. We adopt myi, = 10~* but the detailed value of 1y,
little affects the results. Since ¢o(H,) has a cutoff at L ~ 3 x 10*! erg s™! (Hao et al. 2005;
Ho 2008), we set L. ~ 1.5 x 10?2 erg s71. We calculate the diffuse spectra with some values
of zmax and confirm that z,., does not affect the results if we use sufficiently high value, such
as Zmax = 4. Recent studies show that the number density of Mgy is high at Mgy ~ 107 M,
and monotonically decreases with Mgy (e.g., Li et al. 2011). On the other hand, it seems that
the average of Mgy of nearby LLAGNs whose multi-band spectra are observed is ~ 108M,
(Eracleous et al. 2010). This suggests that the average mass of SMBHs in LLAGNSs is not so
clear. We calculate two cases for Mgy = 107 M, and My = 108M,. We fix ¢ =5/3, a = 0.1,
£ =3, and w = 10, and search suitable 6., ¢, and 7., to see if the calculated spectra explain

the observed neutrino spectrum.

4.3.1 Diffuse intensity of neutrinos

In this subsection, we show that our models can fit spectra of PeV neutrinos observed by
IceCube (Aartsen et al. 2014). Recently, IceCube reported neutrino spectra around 10 TeV
(Aartsen et al. 2015). The flux around 10 TeV is higher than that at PeV energies. Although
it may be premature to discuss the origin of this low-energy excess, we show that it is possible
for LLAGNSs to explain this low-energy excess.

The results are plotted in Figure 4.6, whose parameter sets are tabulated in Table 4.2. Tt is
possible to fit the diffuse neutrino flux with reasonable parameters. In view of the PeV neutrino
observation, protons must be accelerated up to around several tens of PeV energies, and their

spectra cannot be extended to higher energies. This is feasible unless ( is somehow very low.
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Figure 4.6: The diffuse neutrino intensity (per flavor) from RIAFs in the LLAGN model. The
red-solid, brown-dashed, blue-dotted, and magenta-dot-dashed lines show the diffuse neutrino flux
for B1, B2, B3, and B4, respectively. The green triangles represent the atmospheric muon neutrino
background produced by CRs from Table II of Abbasi et al. (2011). The black squares show the
observed data of neutrino signals from Figure 12 of Aartsen et al. (2015). This figure is reproduced

from Kimura et al. (2014b), by permission of the American Astronomical Society.
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The spectral shape is affected by 6. and (, because these two parameters determine whether
the photomeson production is important or not. The injection efficiency 7., just determines
the normalization of the diffuse neutrino flux, and we found that 7. ~ 0.01 is needed. The
spectra for B1 and B2 can fit the data at 100-1000 TeV energies, although we have difficulty
in explaining the 10-100 TeV neutrino flux at the same time. They are almost flat for 100
TeV < E, < 1000 TeV and have a cutoff at £, ~ 1000 TeV. We can also fit the data of 10
TeV neutrinos with lower values of { (B3 and B4). They have a peak at F, ~ 10 TeV and
gradually decrease for £, > 10 TeV. The photomeson production is ineffective in these cases

because of the lack of target photons.

The diffuse neutrino flux is dominated by LLAGNs with high 7 in our model. The neu-
trino luminosity is higher as 7 higher, while the number density of LLAGNS is lower as m
higher. The former is more efficient than the latter for the neutrino luminosity. We show
the contribution to the total intensity from different luminosity bins in Figure 4.7. We set
the luminosity bins as a faint part L.y, < Lx < L., a middle part L, < Lx < Lyq, and a
luminous part Lyiq < Lx < Lmax, Where Liig = v/ LmaxLs ~ 2.7 x 10%°. The luminous part
emits most of the 100 - 1000 TeV neutrinos for B1 and B2 because the py reaction makes the
pion production efficiency high at high E,. On the other hand, for B3 and B4, the middle
part contributes as much as the luminous part. The faint part little contributes to the diffuse
neutrino flux for all the models. The required injection efficiency 7., ~ 0.01 is low, compared
to the other AGN models (cf., Alvarez-Muniz & Mészaros 2004; Murase et al. 2014), although
10-100 TeV neutrinos need slightly higher 7., than 100-1000 TeV ones.

Although each model cannot fit both 10-100 TeV and 100-1000 TeV data simultaneously,
it is possible to explain all the data when we a consider two-component model of LLAGNSs.
For example, suppose that 80% of LLAGNs have the parameters of model B3, and the others
have those of model Bl except 1., = 2.4 x 1072, Then, the resultant spectrum can fit all the
four data points. Even if each LLAGN is much fainter than quasars, the number density of

LLAGN:Ss is so high that they can significantly contribute the diffuse neutrino flux in principle.
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Figure 4.7: The contribution to the total intensity (thick lines) from different luminosity bins (thin

lines). The red-dashed, blue-dotted, and brown-dot-dashed lines show the luminous, middle and

faint parts, respectively. The green triangles represent the atmospheric muon neutrino background

produced by CRs. The black squares show the observed data of neutrino signals.
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Table 4.2: Model parameters for diffuse neutrino flux

model | Mpu[Ms] 0. ¢ Ner
B1 107 2.0 0.18 6x1073
B2 108 3.0 013 9x1073
B3 107 1.5 0.06 2.5x 1072
B4 108 2.0 0.05 1.5x1072

4.3.2 Diffuse intensity of cosmic-ray protons

In our model, most of the injected protons escape from the accretion flow without depletion
due to the low efficiency of pion production f, < 0.08. Here, we discuss the effects of escaping

protons.

Assuming that the Universe is filled with CR protons, we can estimate the CR flux as in the
neutrino flux. Figure 4.8 shows the estimated flux of CR protons for models B1, B2, B3, and B4.
This flux of the escaping protons is lower than observed CR flux for 10'°eV < E, < 10'8 eV
for all the models. In contrast to the neutrino spectra, the faint LLAGNs mainly contribute to
CR flux at E, < 10' eV. This is because the escaping proton luminosity has weak dependence
on 1, compared to the neutrino luminosity. As described in Chapter 1, CR composition
around the knee are probably heavy-nuclei dominant. The result of model B2 seems to conflict
with that. However, it is unclear that CRs of E, ~ 10'® are able to arrive at the Earth
from LLAGNs. In fact, the magnetic fields in the intergalactic medium (IGM) prevent the
protons from traveling straightly, so that the distant sources cannot contribute to the CR flux.
The diffusion length of CR protons during the cosmic time is estimated to be ~ 12.38;01/ 2E;ﬁ26
[Mpc], where Byg = B/(107'°Gauss) (cf., Berezinsky 2008). We use the Bohm limit and ignore
the cosmic expansion. In addition, our Galaxy is located in the local group, where the magnetic

fields are probably stronger than the usual IGM. These magnetic fields can potentially reduce
the UHECR flux of E, ~ 10" arriving at the Earth (Takami et al. 2014). We should take the
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Figure 4.8: The maximum flux of the diffuse CR protons. The thick lines show the CR flux for
B1 (red-solid), B2 (brown-dashed), B3 (blue-dotted), and B4 (magenta-dot-dashed). The thin-black-
solid line shows the observed CR flux (e.g., Becker 2008). This figure is reproduced from Kimura et

al. (2014b), by permission of the American Astronomical Society.

effects of these magnetic fields into account to discuss the arrival CR flux in detail.

The escaping protons would diffuse in host galaxies of LLAGNSs, and interact with gas
in the interstellar medium (ISM) inside the galaxies. The pion production efficiency of pp
inelastic collisions in the ISM is estimated to be frga ™~ Kpphp galOppClirap ~ 8 X 10*4Ep_’ ?637
where E, 16 = E,/(10 PeV), nyga ~ 1 cm™ is the mean nucleon density in the host galaxy,

tuap = h?/4k is the trapping time in the galaxy. We use the scale height h ~ 1 kpc and the
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diffusion coefficient estimated in our Galaxy, £ ~ 3 x 10%(E,/1GeV)?? ¢cm? s*. The escaping
protons are expected to be confined in IGM. These protons are likely to interact with the
protons or photons. The efficiency of pion production in IGM is not low, typically ~ 1072
below 100 PeV (Murase et al. 2013), which is likely to be more important than the reactions in
ISM. Since most of the escaping protons are emitted from the faint LLAGNSs, these processes

might affect the diffuse neutrino flux.

4.3.3 Constraints on neutron loading in the jet

Toma & Takahara (2012) proposed a mass loading model to relativistic jets by relativistic
neutrons made in the accretion flows. They consider that the relativistic neutrons whose
Lorentz factor v, ~ 3 decaying at the polar region of SMBH are able to provide the jets with
some amount of mass and energy. They estimated that the relativistic neutrons can inject the
energy about L, <2 x 1073M¢? and the mass Mo, < 4 x 10~4M. This estimate results from
the assumption of the total neutron luminosity from the accretion flow L, ~ 0.03M¢c%. The

total luminosity of injected neutrons is estimated as
Ln ~ fnﬂchCQ, (430)

where f, is the neutron generation efficiency. The neutron generation efficiency is the same
order of the pion production efficiency, f, ~ fr < 0.08. From the fitting of the diffuse neutrino
flux, we obtain 7, ~ 0.01. These results restrict L, < 8 x 10~4M¢?, which is much lower than
their assumption. In addition, resultant spectra of relativistic protons that are accelerated via
stochastic acceleration are quite hard. This causes the differential luminosity and mass of the
neutrons with =, ~ 3 to be much lower than the above restriction. Therefore, the neutron
mass-loading model is disfavored when high-energy neutrinos are produced and limited by the
observed neutrino data.

If LLAGNs cannot accelerate the CR protons up to sufficiently high energy, the neutron

injection model is not restricted from the neutrino observation. For example, for the models
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with ¢ < 0.03 and ¢ = 5/3, LLAGNs cannot emit the neutrinos of £, 2 30 TeV. However, it
is still not easy to achieve the required value of f,n., ~ 0.03. One reason is that 7. should
be less than 0.1 in order to keep the structure of the RIAFs (Kimura et al. 2014a). Another
reason is that the nature of collisionless plasma requires that the density should be low and
limit f,, < 0.3. Thus, we need an optimized situation for neutron generation in order that the

neutron injection model works as a jet mass-loading mechanism.

4.4 Discussion

4.4.1 Comparison to other AGN models

In this work, we consider one of the AGN core models, in which CR acceleration and neutrino
production occur in the vicinity of the SMBH. Contrary to this work, in the previous literature,
CR acceleration around the standard thin disk is assumed. However, since the disk plasma is
typically collisional, faster dissipation is needed. The shock in accretion flows (e.g., Protheroe
& Kazanas 1983; Stecker et al. 1991) or between blobs (Alvarez-Muniz & Mészaros 2004), and
electric field acceleration (Kalashev et al. 2014) have been speculated as underlying acceleration
mechanisms. The acceleration mechanism at such inner regions is very uncertain. For the
efficient shock acceleration mechanism to work, 7 < 1 is required to have collisionless shocks
unmediated by radiation (e.g., Murase & loka 2013), but the condition depends on the radius
and accretion rate. It is highly uncertain if electric field acceleration occurs since the gap
formation may be prohibited by a copious plasma supplied from the disk to the SMBH. In
any case, if one allows acceleration of CRs in the vicinity of the disk, they should interact
with ultraviolet photons supplied by multi-color blackbody emission from the standard disk
(Shakura & Sunyaev 1973). Then, using the disk temperature around the innermost stable
orbit Tiax, the typical neutrino energy is estimated to be

kBTmax -
20 eV '

2 —
0.5mypc”€pk

E, ~0.05
kBTmax

~ 400 TeV ( (4.31)
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Hence, for an average accretion disk spectrum observed in quasars, a suppression around sub-
PeV energies is expected (Dermer et al. 2014). In principle, it is possible to have lower-energy
neutrinos by assuming high-temperature disks ad hoc. However, in such models, all the relevant
parameters (the CR normalization, spectral index, maximum energy and disk temperature)
are essentially free parameters. Also, since gamma rays should not escape because of high
~vv optical depths, these models should be regraded as hidden neutrino source models. Note
that the neutrino luminosity will be higher for AGNs with higher disk luminosities. Then, the
well-observed X-ray luminosity function (Ueda et al. 2003) suggests that neutrino emission is

dominated by AGNs with Ly > 10* erg s7! (Murase et al. 2014).

In the vicinity of the standard disk, py interactions are usually the most important process
(e.g., Szabo & Protheroe 1994; Alvarez-Muniz & Mészaros 2004). Also, the heavy jet has a
problem in its energetics (Atoyan & Dermer 2003; Murase et al. 2014). On the other hand,
there are some discussions on pp scenarios in radio galaxies (Becker Tjus et al. 2014), assuming
the existence of dense knots with Ny ~ 10?* ecm~2. If CRs are supplied by jets, the efficient
neutrino production would significantly be diluted by their volume filling factor. Also, note that

steep spectra s, 2=

Y

2.2 are already ruled out by the multi-messenger data (Murase et al. 2013).
In principle, this can be avoided by requiring that GeV-TeV gamma rays are attenuated, where
this model should be regarded as one of the hidden neutrino source models that are difficult

to test.

The most popular possibility is neutrino production in inner jets (e.g., Mannheim 1995;
Atoyan & Dermer 2001; Miicke & Protheroe 2001). If one adopts the simple one-zone model,
most important contributions come from quasar-hosted blazars, and external radiation fields
are the most important (Murase et al. 2014; Dermer et al. 2014). Whereas it is possible to
explain ultra-high-energy CRs with heavy nuclei, a power-law CR spectrum is inconsistent
with the absence of > 2 PeV neutrinos. To explain the IceCube data around PeV energies,
the maximum energy of CRs has to be lower than ultra-high energies and another component

is needed at low energies. On the other hand, Tavecchio et al. (2014) showed that, if a two-
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component model is invoked, BL Lac objects can be efficient emitters of PeV neutrinos without
contradicting the observations of CRs. This is because the relative velocity between the spine
and sheath allows us to have suitable target photon energies. However, it is not clear how BL
Lacs can make a dominant contribution to the diffuse neutrino efficiency, compared to that
from quasar-hosted blazars.

Among large scale jets, jets of Fanaroff-Riley II galaxies produce a non-relativistic cocoon
shock and hot spot, and the latter is often bright at radio bands. The intergalactic density
is usually too low to expect many neutrinos. However, since most AGNs are expected to be
located in galaxy clusters and groups, their contributions may be relevant (e.g., Murase et al.
2008; Kotera et al. 2009). This possibility can be regarded as one of the pp scenarios, which

has been constrained by multi-messenger data (Murase et al. 2013).

4.4.2 gamma rays from RIAFs

If neutrinos are produced by pion decay, gamma rays are also inevitably produced. The
generated spectrum and luminosity of these gamma rays are similar to those of the neutrinos.
However, high-energy gamma rays are absorbed by soft photons through v+~ — et + e,
so that the observed spectra of the gamma rays can be different from those of the neutrinos.
In our model, internal absorption inside sources is relevant, and electromagnetic cascades are
initiated. The emergent spectra are expected to have a break at the energy where the optical

depth of pair production 7,, = 1. We estimate the optical depth by
Toy(Ey) ~ 0.200 RN, (&) €, (4.32)

where €, ~ (m.c?)?/E, is the energy of the soft photons (e.g., Coppi & Blandford 1990). In
our model, bright LLAGNSs, such as the A3 model, have the cutoff energy E, .. ~ 11 GeV,
while faint ones, such as the A2 model, have E, s ~ 15 TeV. This means that bright LLAGNs
emit only multi-GeV photons and cannot emit TeV photons. In this subsection, although we

defer detailed studies of cascade emission, we here give the order-of-magnitude estimate on
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expected gamma-ray signatures, which may serve as tests of the LLAGN model.

Recent observations by Fermi show that the diffuse isotropic «-ray background (IGB)
intensity is ~5x 1077 GeV em ™2 s ' srtat B, ~1GeV,and ~7x 107% GeV em 2 7! sr!
at E, ~ 100 GeV (Ackermann et al. 2014). This sets model-independent strong bounds on
pp scenarios (Murase et al. 2013), and spectral indices should be harder than s, ~ 2.2. The
LLAGN model can avoid these constraints due to two reasons. First, the neutrino spectrum
is harder than s, ~ 2.0 since stochastic acceleration or magnetic reconnection mechanisms
predict hard spectra compared to the diffusive shock acceleration mechanism, so that direct
gamma rays do not contribute to the IGB. Second, GeV-TeV gamma rays may not escape,
and LLAGNs can be regarded as hidden neutrino sources. In reality, the situation depends on
m, and GeV-TeV gamma rays can be produced via cascades. The maximum GeV-TeV flux
can be estimated by assuming that all gamma rays escape and get cascaded in intergalactic
space. Even in this case, noting that the gamma-ray flux is comparable to the neutrino flux,
the estimated IGB flux is expected to be < 1077 GeV ecm™2 s7! sr7! for B3 and B4, and
< 3 x 1078 GeV ecm™2 s7! sr7t for Bl and B2. However, in RIAFSs, pairs produced via
v+ — et + e~ would lose mainly via synchrotron emission rather than inverse-Compton
emission, so the IGB at sub-TeV energies is expected to be sufficiently lower than the observed
intensity. More accurate calculation and examine the contribution to the IGB remains as a

future work.

How to test the LLAGN model presented here? Unfortunately, the average neutrino lu-
minosity per source is too dim to detect individual sources. Gamma-ray detections are also
difficult although we expect that faint LLAGNs can emit TeV photons. One of the examples
of LLAGNs with RIAFs is Sgr A* at the Galactic Center. According to Yuan et al. (2003),
thermal electrons at the inner part of RIAFs have the temperature 6, ~ 8, and emit the radio
band photons of L., ~ 10% erg s™! at E, ~ 4 x 107% eV. We calculate the inner part of the ac-
cretion flow of Sgr A* such that our model accounts for the observed radio luminosity. We use

the same parameters with the reference model Al except for Mpy = 4 x 10M), 1 = 6 x 1079,
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0. = 8.0. Then, we find that protons are accelerated up to 20 TeV. The differential proton lu-
minosity in this model is E,Lpg, ~ 7x10% erg s~ at E, ~ 20 TeV and E,Lg, ~ 7x10** ergs™*
at E, ~ 10 GeV. These escaping protons are expected to emit GeV - TeV gamma rays via pp
reaction with surrounding materials, but this luminosity seems too low to explain the observed
GeV - TeV gamma-ray fluxes (Liu et al. 2006; Chernyakova et al. 2011). These protons do not
contribute to the observed flux of CR protons either. The neutrino flux from Sgr A* in this

2 57! with peak energy E, ~ 0.8 TeV, which is too faint

model is E,Fg, ~ 3 x 1071° erg cm™
to be observed. This accretion flow is so faint that gamma rays from neural pion decay can
escape from the flow directly. The gamma-ray flux is the same order of magnitude with that
of neutrinos with peak energy £, ~1.6 TeV, which is much lower than the gamma-ray flux at
the Galactic Center observed by High Energy Stereoscopic System (HESS) (Aharonian et al.
2009a). Thus, this model does not contradict the observation of the Galactic Center and CR

experiments.

Possibly, relatively brighter LLAGNs might be able to be observed at GeV gamma rays.
The cores of Cen A and M87 are candidates, and both GeV and TeV gamma rays are detected
(Abdo et al. 2009; Aharonian et al. 2006, 2009b; Sahakyan et al. 2013). For Cen A, the GeV
gamma-ray spectrum cannot be smoothly connected to the TeV spectrum, and a break around
3 GeV has been suggested. This could indicate the existence of two components. Whereas
some contributions could come from RIAFSs, emission from jets are prominent (Takami 2010),
and it would not be easy to identify the RIAF component in observed spectra. It would be
better to look for radio-quiet AGNs with RIAFs, which do not have strong jets. The relatively
bright LLAGNS, such as NGC 3031 (M81) and NGC 4579 (M58), have Lx ~ 2 x 1010 erg s7!
with Mgy ~ 6 x 107M, (Eracleous et al. 2010). This luminosity can be obtained by our
model with reference parameters except Mgy = 6.3 x 107M,. The peak neutrino luminosity
in this model is F,Lg, ~ 2 x 103 erg s7!, which is too dim to detect. The pair-production
cutoff energy is I, .y ~ 12 GeV, so that multi-GeV gamma rays are expected to escape. The

estimated gamma-ray flux is ~ 1 x 107! erg ecm™2 5! for M81 and ~ 5 x 10~ erg cm =2 s7*
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for M58, assuming the distances d ~ 3.6 Mpc for M81 and d ~ 17 Mpc for M58, respectively
(Eracleous et al. 2010). Thus, M81 could be detectable by Fermi or Cherenkov telescopes
with low thresholds such as Major Atmospheric Gamma-ray Imaging Cherenkov Telescope
(MAGIC) and Cherenkov Telescope Array (CTA). Multi-messenger studies are relevant to
test the model and more precise calculations of photon spectra will be presented as future

work.

4.5 Summary

We study particle acceleration and associated neutrino emission from RIAFs of LLAGNs.
Various acceleration mechanisms have been suggested. In this work, for demonstration, we
consider stochastic acceleration, for which we can calculate spectra of escaping particles by
solving the Fokker-Planck equation. We model target photon fields in RIAFs by calculating
inverse Compton emission, based on the one-zone approximation. Then we compare accelera-
tion, escape, and cooling time scales, and find that in LLAGNSs, proton acceleration is typically
limited by diffusive escape rather than cooling processes. We also find that LLAGNs can have
the protons up to more than 10 PeV for reasonable ranges of m, Mgy, ¢ and ¢. Then, the pp
or pvy production may lead to PeV neutrinos. Note that production of ultra-high-energy CRs
is not expected in this model. The CR acceleration efficiency is highly uncertain, so we treat it
as a free parameter assuming that the luminosity of escaping CRs is equal to 1., M¢2, including
both diffusive and advection escape. Then, the luminosity of CRs escape via diffusion is esti-

Lin our reference model. We calculate associated neutrino

mated to be around 3 x 10%° erg s~
emission, and find that high-energy neutrino production occurs mainly via pp interactions, and
the meson production efficiency is typically on the order of 1%. The neutrino spectrum is hard
since CRs are assumed to be accelerated via the stochastic acceleration mechanism.

We also calculated the diffuse neutrino intensity by using the H, luminosity function of

LLAGNs and assuming no redshift evolution. Interestingly, we find that the observed IceCube
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data can be fitted for reasonable parameters if ~ 1% of the accretion luminosity is carried
by CRs. This fraction guarantees our assumption that the CRs do not affect the dynamical
structure of RIAFs (Kimura et al. 2014a). The number density of LLAGNS is about ~ 1072 —
1072 Mpc™3, which is much greater than those of radio-loud AGNs including blazars. Since
the spectrum is hard, this result does not contradict the diffuse gamma-ray bound (Murase et

al. 2013).

Whereas RIAFs of LLAGNs can provide interesting targets of high-energy neutrino and
gamma-ray observations, unfortunately, there are many uncertainties in the model. First, pa-
rameters related to acceleration are uncertain, although values we adopt are often used for
other sources such as gamma-ray bursts. However, although we consider stochastic accelera-
tion, one should keep in mind that our neutrino flux calculations can be applied to different
cases such as acceleration via magnetic reconnections. For more reliable predictions, we need
better knowledge on the distribution of non-thermal particles, which could be achieved by fu-
ture particle-in-cell simulations. Second, the luminosity function of LLAGNS is quite uncertain
due to their faintness. Obviously, to estimate the diffuse neutrino intensity, more observational
data on the shape of the luminosity function in the faint end and their redshift evolution are
needed, as well as the mass function of SMBHs hosted by LLAGNs. In addition, contributions
from RIAFs with the critical mass accretion rate, at which RIAFs change to the standard disk,
may also be relevant. This implies the importance of understanding the physical relationship

between LLAGNs and Seyferts.

One of the potentially interesting points of the LLAGN model is that one can explain the
latest IceCube data around 10 TeV. The latest data suggest steeper indices of s, ~ 2.3 — 2.5,
which seems challenging for many models. Galactic sources may be responsible for < 100 TeV
neutrinos, but it is premature to discuss such a two-component scenario due to the lack of
compelling anisotropy. It could be explained by an exponential cutoff or spectral break of
starburst galaxies, but hard indices of s, ~ 2 are needed. Alternatively, hidden neutrino

sources can provide viable possibilities. Such a speculation includes not only the AGN core
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models including the LLAGN model but also orphan neutrino production in low-power gamma-
ray burst jets (Murase & Ioka 2013).

As a final remark, we stress that the neutrino observations may be powerful for probing
physics of accretion disks and jets. In this work, we calculated the neutron generation rate in
RIAF (see also Kimura et al. 2014a), and argue that an optimized parameter values are required
for RTAFs to have as high neutron generation rate as suggested by Toma & Takahara (2012).
As long as CR spectral indices are hard as expected in stochastic acceleration or magnetic
reconnection, the model of jet mass-loading mediated by neutrons is strongly restricted by

neutrino observations unless ( is very low.



Chapter 5

Summary & Future work

We study the effects of high-energy particles on dynamical structure of hot accretion flows
and emission of cosmic-ray protons and neutrinos from hot accretion flows. The hot accretion
flows have quite different structure from those of the standard disks. They are so hot and
tenuous that non-thermal particles can exist. The non-thermal particles seem to affect the
dynamical structure of the flow because they extract some amount of energy through the
escape of particles. However, they do not affect the dynamical structure very much, because
the energy loss rate by non-thermal particle is not enough to form a Keplerian disk for usual
parameters. The neutrinos are naturally generated in the hot accretion flows with non-thermal
particles, and thus, LLAGNs are a source of astrophysical neutrinos. They can fit the neutrino
flux of the IceCube data for reasonable parameters owing to their high number density. In this

chapter, we describe the findings and remaining problems of this study.

5.1 Effects on dynamical structure

The non-thermal protons inside RIAF's are likely to interact with thermal protons and photons.
These reactions generate pions, and decay products of these pions can escape from RIAFs. The

non-thermal protons can escape directly from RIAFs owing to their long mean free path. Thus,
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the non-thermal particles may act as a coolant of the flow. The non-thermal particles also
change the pressure of the accretion flow because they have different specific heat ratio from
thermal particles. Therefore, the non-thermal particles can potentially affect the dynamical

structure.

We formulate a set of one-dimensional equations that consist of thermal and non-thermal
particles. The thermal particles obey the fluid equations, and non-thermal particles obey
the diffusion-convection equations. We use the moment equations of the diffusion-convection
equation for simplicity. We solve time evolution of the basic equations, and obtain steady state
solutions. Our results without non-thermal particles are consistent with the previous studies

of global structure of ADAFs.

From the solutions with non-thermal particles, it is found that the non-thermal particles
do not affect the dynamical structure very much when their energy density is less than that of
thermal particles. The non-thermal particles dominate over the thermal particles when 90%
of the total heating rate is injected into the non-thermal particles. For this extreme case, the
temperature of thermal particles are sufficiently lower than that without non-thermal particles,
which may affect the electron temperature in RIAFs. However, the dynamical structures are
still advection-dominated flows, and the non-thermal particles cannot change the physical

quantities except temperature by more than an order of magnitude.

The energy extraction rate is the key quantity to change the dynamical structure drastically.
For the cases with the high diffusion parameter, escaping protons carry away most of the
injected energy. If the energy extraction rate is comparable to the total heating rate, ~ 0.1M¢?,
the flow has a slow radial velocity, high density, and almost Keplerian angular momentum.
These features are similar to those of the standard disks. However, this situation is quite
extreme. Therefore, we conclude that it is difficult that the non-thermal particles affect the

dynamical structure of hot accretion flows.

Although the non-thermal particles are unlikely to affect the dynamical structure, they

can produce some amount of neutrinos, cosmic-ray protons, and gamma rays in RIAFs. We
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estimate the luminosity of escaping particles for the steady state solutions. For low mass
accretion rates with high diffusion coefficients, the luminosity of diffusively escaping protons
amounts to L, ~ 1072M 2. 1In contrast, for high mass accretion rates, the luminosity of
escaping neutrons, Ly, is greater than L, and its maximum value is nearly the same as that
of the protons L, ~ 1072M¢?. The luminosities of gamma rays and neutrinos are a few times
greater than L,. We note that radiative processes by thermal electrons are expected to be
important for high mass accretion rates. These luminosities of escaping particles are enough
to explain relatively dim jets. However, the mass injection rate is so low that the resultant
terminal Lorentz factor is too high, compared to the observed jets. It is difficult to explain the

observed jets by the escape of the non-thermal particles.

5.2 Neutrino and cosmic ray emission

RIAFs can emit some amount of high-energy neutrinos, and LLAGNs seem to include RIAFs.
Thus, LLAGNs are potential sources of the high-energy neutrinos. We calculate the neutrino
flux from RIAFs in LLAGNs. The extraterrestrial neutrinos detected by IceCube are likely
to originate from astrophysical objects. This motivates us to examine whether the LLAGN
model can explain the IceCube neutrinos.

We estimate the physical quantities of RIAFs in LLAGNs using one-zone approximation.
The energy spectra of relativistic protons in the RIAFs are calculated by solving the Fokker-
Planck equation, where the timescales of acceleration, escape, and cooling are important to
determine the proton spectra. We consider pp inelastic collisions, photomeson production, and
proton synchrotron for the cooling time, and both infall and diffusive escape are taken into
account as the escape time. We find that in a typical LLAGN, the acceleration of protons is
limited by the diffusive escape around E, ~ 2 x 10, Since the efficiency of proton acceleration
is uncertain, we treat it as a parameter 7., assuming that the luminosity of escaping protons

equals to 7. Mc2. Then, the luminosity of escaping protons amounts to L, ~ 3 x 10% erg s
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for our reference model. We calculate the neutrino spectrum from LLAGNSs, and find that pp
reactions mainly produce neutrinos for E, < 1 PeV while py reactions are more efficient for
E, = 1 PeV. The efficiency of meson production is typically the order of 1% for pp reaction
dominant cases and at most 10% for py dominant cases. They have hard spectra because the

protons are accelerated via the stochastic acceleration.

We calculate the diffuse neutrino intensity using the H, luminosity function of LLAGNs,
assuming no redshift evolution. We found that the observed IceCube data can be fitted for
reasonable parameters if non-thermal protons gain ~ 1% of the accretion luminosity. This
fraction guarantees our assumption that the non-thermal protons do not affect the dynamical
structure of RIAFs (see Chapter 3). For 100 - 1000 TeV neutrinos, the luminous part of
LLAGNs mainly emit the neutrinos owing to the efficient py reaction. For 10 - 100 TeV
neutrinos, pp reaction mainly produce the neutrinos, and a wide range of LLAGNs contribute
to the neutrino except the faint part of LLAGNs. The number density of LLAGNs is about
1072 — 1073 Mpc~3, which is much greater than that of radio-loud AGNs including blazars.
This is why LLAGNs are able to contribute to the diffuse neutrino flux even if they are much

fainter than the quasars.

The LLAGN model does not contradict the diffuse gamma-ray bound observed by Fermi.
Since the energy spectrum of protons is hard, the energy density of protons below 10 TeV is low
enough to avoid the contradiction. The LLAGN model may neither contradict the observed
cosmic-ray flux because cosmic rays for E, < 10'7 eV seem to be confined in intergalactic
medium, and LLAGN cannot accelerate the cosmic rays up to ultra high-energy. The fitting
of neutrinos restricts the neutron loading model of the relativistic jet production. Our models
predict that the total luminosity of injection into the relativistic protons are around 1% of the
accretion luminosity Mc2. For such a low value of the injection luminosity, the generation rate
of neutrons is so low that they cannot inject a sufficient amount of mass at the jet launching

region.
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5.3 Future work

We study the dynamics of accretion flows and the cosmic-ray neutrinos. To study the spatial
structure of accretion flows, we often perform the numerical simulations. On the other hand, we
often use the analytical order-estimation to discuss the detectability of cosmic-ray neutrinos.
This thesis consists of both studies. Combining these two studies, we could calculate the
neutrino spectrum for a spatially one-dimensional model with an energy spectrum, including
the radiation from thermal electrons with a simple treatment. However, this is beyond the

scope of this thesis.

There are many ignored processes and uncertain parameters in this thesis. For the study
of dynamical structure, the effect of a disk wind is one of the most important processes in
hot accretion flows, but it is not included in Chapter 3. The numerical simulation shows that
the hot accretion flow naturally blows a disk wind, and the mass loss rate by the wind is
comparable to the mass accretion rate at @w 2 30Rs (Yuan et al. 2012; Sadowski et al. 2013).
Thus, the disk dynamical structure with a disk wind is different from that without a disk
wind. Since the multi-dimensional effect and magnetic fields are essential for the disk wind, we
need a multi-dimensional magnetohydrodynamic simulation to properly address the impact of

a disk wind.

The electrons are also important, but it is neglected in Chapter 3. As the mass accretion
rate becomes higher, the cooling rate by electrons becomes higher. Since most of the photons
are generated by the electrons in usual accretion flows, treating the electron component is
essential to compare the theoretical models to observations. The role of electron cooling is

expected to be related to the problems of state transition.

To obtain the electron temperature, we need to know the heating mechanisms in a colli-
sionless plasma. However, it is really difficult to investigate the electron heating mechanism
in a hot accretion flow because of the vast scale difference between plasma and hydrodynami-

cal phenomena. What we can do now is including some phenomenological heating rate when
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we estimate the electron temperature. The comparison between observations and theoretical
predictions seems to give us the electron temperature in RIAFs (Nemmen et al. 2014). How-
ever, we cannot obtain the electron temperature with high accuracy due to both theoretical
uncertainties of models and the lack of observational data of LLAGN.

The electron temperature is important also for the study of neutrino emission, which is
just given as a parameter in this thesis. This strongly affects the photon spectrum from a
RIAF. This spectrum has an influence on both the neutrino generation rate by p~y reactions
and the X-ray luminosity of LLAGNs that is important for the diffuse neutrino flux. The mass
function of SMBHs in LLAGNSs should also be taken into account because the X-ray luminosity
of LLAGN also depends on the SMBH mass. A deeper survey is necessary to clarify the mass
function and luminosity function of LLAGNSs.

We introduce many uncertain parameters on the property of high-energy particles, such as
the injection efficiency. The detailed comparison to the observations seems to constrain the
parameters. Our model produces not only neutrinos but also gamma rays. The gamma rays
from nearby LLAGNs may be detectable by Fermi and/or CTA, although it is challenging.
Since the gamma-ray luminosity depends on the injection efficiency of non-thermal protons,
this observation may constrain the injection efficiency even if they just set an upper limit.
The numerical simulations also seem useful to determine the uncertain parameters. There are
some MHD simulations that give us the information of turbulent magnetic fields of accretion
flows. Solving the particle motion in the fields with MHD simulations, we can examine both
the spatial diffusion and stochastic acceleration processes of relativistic particles inside the
accretion flows. Although we are still far from the understanding of physics of accretion
phenomena, the numerical works and gamma-ray observations will provide us with a better

view of accretion phenomena in the future.



Appendix A

Derivation of some equations

A.1 Energy equation

Here, we derive the equation (2.3) from the first law of thermodynamics
1
de = Tds — ped (—) (A.1)
p
where we write this equation with the specific variables. Multiplying p and dividing the

equation by dt, we get
de ds pgdp
A g Sl
Pat ="t p dt’
where d/dt = 0/(0t) + v - V is the Lagrangian derivative. Using the equation of continuity

(A.2)

(2.1), we can write
de _ O(pe)
Par = o

From the definition of entropy, the term pT'ds represents the net cooling and/or heating rate

+ V- (pev). (A.3)

in unit volume,

PTdS = Qvis — Gcool (A4)

Using the equation of continuity (2.1) again, we can write

P 6 (A.5)
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Thus, we can obtain the energy equation as

0(pe
% + V. (P€U> - _pgv "V + Qvis — Gcool- (AG)

A.2 Derivation of hydrostatic equilibrium

The momentum conservation for vertical direction is written as

) 10 o, o
o; (o) + — o (runpuz) + o= (pvl) = — 5= — pQicz (A7)

From the equation (2.19), we find
Ov, dnH v, 0H

9> At Hor’

where we use steady assumption 9/0t = 0 from the middle equation to the left. Assuming

(A.8)

v, = z at z = 0, we obtain
_dlnH z OH

v, = z

it =~ "Hor

Again, we use the steady assumption from the middle to the left. Using this equation of v,

(A.9)

with steady assumption, we can rewrite equation (A.7) as

10 ( , z0H\ 8 2 OH\’ ap
- —— — - = ——= — {22 Al
ror (TUTPH (97“) * 0z {p (H 37‘) } 0z "KE (A.10)
Taking fooo dz with assumption that p and v, are constant for z, we obtain
10 o dH 2P 9

This equation have the advection term, the pressure term, and the gravity term. Estimating
the order of each term, we find that the ratio of the pressure term to the advection term is
~ (cs/v,)?. Thus, we can ignore the advection term when we focus on the subsonic region.
Then, the scale height H is determined by the equilibrium between the pressure gradient force

and the gravity, which is expressed as

i~ YEPIE) | (A.12)

Qx Ok’




Appendix B

Test calculation for dynamical

structure

Here, we show the test calculations for solving the fluid equations, (2.11), (2.12), (2.14), and
(2.21). We solve the time evolution of these equations until steady state solutions are realized,
using a finite differential method with time explicit procedure. Our code is similar to the
ZEUS code in which the artificial viscosity is used (von Neumann & Richtmyer 1950; Stone &
Norman 1992). The artificial viscosity prevents some numerical instability from growing. We
use staggered mesh where the vector variables ( v,) are defined at the cell boundary while the
scalar variables (I, ¥, F) are at the cell center. Our code use the operator splitting method.

First, we make a calculation without advection term,

2% - Vpt PV 4 V-Q, (B.1)

a<2€> = _pgv -V + Qvis - Qcool + Qav : VU’ (BQ)

ot
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Figure B.1: The results of test calculation of fluid equations. The upper panel shows the radial
profiles of the velocities. The blue crosses, magenta triangles, and red squares show the numerical
results of the sound velocity ¢, azimuthal velocity vy, and radial velocity v,. The black-solid lines

show the analytic solutions.

where @), is the artificial viscosity term. After that, we calculate the advection without source

term,
d
— EdV:—/ Yv-dS (B.3)
dt Jy av
i/ YodV = —/ Yvv-dS (B.4)
dt Jy av
i/ YedV = —/ Yev-dS, (B.5)
dt Jv av

where V' is the volume of each cell and dS is the surface vector of each cell.
We check our numerical code by comparing our steady state solutions obtained by numerical
calculation to the analytic ones given in equations from (2.48) to (2.51). Figure B.1 shows the

radial profiles of ¢, v4, and v,. This calculation is performed with the units G =c= M =1
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Figure B.2: The results of test calculation of fluid equations. The lower panel shows the radial

profiles of mass accretion rates for both numerical solutions (points) and given values (dashed lines).

with the number of grids N = 128. We use parameters v = 3/2, @ = 0.1 and M =1 or
10. The blue-crosses, magenta-triangles, and red squares show the numerical results of ¢, vy,
and v,. They match well with the analytic solutions, shown by the black-dashed lines. These
velocities are independent of the mass accretion rate, which is consistent with the analytic
solution. Figure B.2 shows that the radial profiles of the mass accretion rate. The blue crosses
and red pluses indicate the mass accretion rate for M = 10 and M = 1, respectively, obtained

by the numerical results. These results also match the analytic solution expressed as the

black-dashed lines.






Appendix C

Calculation method for the spectrum

from thermal electrons

C.1 Synchrotron and Bremsstrahlung

We use a fitting formula for the synchrotron and bremsstrahlung (Narayan & Yi 1995). Here,

we use the cgs units. The cooling rates by bremsstrahlung of electron-electron ¢.; and ion-

electron g¢.. are represented as follows,

Gei = 1.48 x 107*n2F,;(0.),

2.56 x 1020262 (14110, + 02 — 1.2507%) (6. < 1)
3.40 x 1022120, [In(1.1236, + 1.28)] 6. > 1)

Jee =

where we use

4(2)™ (141781683 (6. < 1)

=

E,;= :
%e[In(1.1236, + 0.48) + 1.5] (6 > 1)

The emissivity of bremsstrahlung is related to the cooling rates as
(o)
Gei t Qee = / dyjy,br-
0
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Approximating j, . = joexp(—hv/(kgTt)), where jo does not depend on v, we can write

. h hv
]V,br - Qbr@ €xXp <_ kBTe) (05)

where g = qe; + Qee is the cooling rate per unit volume. We assume the gaunt factor is unity.

The synchrotron emissivity is

Ame’n.v Armgcy
sy = ° I = , C.6
T = BeK(1/6,) ( 3¢ B6? ) (C.6)
where
4.0505 0.4 0.5316 1/3

C.2 Radiative transfer

We define the optical depth for absorption as

where

jubr _'_jusy
, = e Ty C.9
" 47 B, (C.9)

is the absorption coefficient and B, is the Planck function. The photon energy flux from a

RIAF is written as (Manmoto et al. 1997)

F, = 2—\/7%3,, 1 —exp(—2v37n,)|, (C.10)

where we use Eddington approximation (Rybicki & Lightman 1979) when estimating the ver-

tical energy flux. The luminosity by the synchrotron and bremsstrahlung is estimated as

L,o = 27R*F,,. (C.11)
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C.3 Inverse Compton scattering

We calculate the spectrum of the inverse Compton scattering. Seed photons are the photon
field by bremsstrahlung and synchrotron. Assuming homogeneous and isotropic distribution,

the photon occupation number evolves by (cf. Coppi & Blandford 1990),

de;(E) Ae= =N, (08¢ [ BN.()Rer)
/dv / de No(Y) N, (€)Re(€',7) Pale; € ,7) + NyoAe — N, ooAe, (C.12)

where € = hv/(m.c?), N,(e) is the differential number density of photon, R.(e,7)[cm? s7!]
is the reaction rate of the electrons of Lorentz factor v and the photons of energy €, and
P.(€;€,~) is the probability that the reactions by the photons of energy ¢’ and electrons of
energy 7 create the photons of energy €. We add the injection rate of seed photons N%O and
escape rate of photons N, ... = N,(¢)/(R/c). We calculate the steady state solution of this
equation. Since optical depth of the flow is less than unity, we neglect the first term of right-
hand side of Equation (C.12). The differential number density can be expanded by the number
of Compton scattering as N, (e) = N, o+ N, 1 + ..., where N, ¢ is determine by the balance of

the escape and the injection

N.o/(R/c) = Ny = Leo/(mR*hw), (C.13)

where L.g = (m.c? / h)LVU. We obtain the N, ; by solving the following equation,

Noaile) 5, /dfy/deN Ny 1(€) Rl 1) Pules 7). (C.14)

We use the fitting formula for R, (Coppi & Blandford 1990)

3co 2 2 1 4 1

From the energy conservation, the reaction with 4y2¢/3 > « + ¢ does not occur. In this case,

we take R(e,y) = 0. We use delta function approximation for P,,

4
N, (€")P.(e;€,v) = N,(¢') Ae'd (e - 5726,) : (C.16)
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Figure C.1: The calculated inverse Compton spectra. The red-solid and green-dashed lines show the
calculated spectra. Our calculations are consistent with analytic power-law fittings by Pozdnyakov

et al. (1983), which are shown as the dotted lines.
From the treatment described above, we obtain

R 3 3€ 3e
N’y,z‘(G) = - /d’YWNe('Y)N'y,i—l (4—72) R, <4_’727 ) ) (C.17)

We calculate N, ;(€) until the number density of the ¢ times scattered photons is much less

than that of the bremsstrahlung in all the range in which we are interested.

C.4 Calculation check of the inverse Compton calcula-
tion

We check consistency of the calculation method described above with previous works. Pozd-
nyakov et al. (1983) consider a one-zone plasma cloud whose scattering optical depth 7. and

electron temperature 6., and calculate emergent spectra of thermal Compton scattering by
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using the Monte Carlo techniques, injecting sufficiently low energy seed photons compared to
the electron energy. They found that the emergent spectra have power-law shape whose index

is expressed as
Int 0.2

~ In(1262 + 266,) T
Figure C.1 shows the spectra obtained by our model (solid and dashed lines) and the cor-

aic = (018)

responding power-law function (dotted lines) predicted by Pozdnyakov et al. (1983). We set
0. =20, a=0.1, 8 =3, and w = 10 for both the solid and dashed lines. We use m = 0.03
and rm = 0.01 for the solid and dashed lines, respectively. The scattering optical depths are
Tes = 0.067 and 7, = 0.022 for solid and dashed lines, respectively. We can see good agreement
between our models and predicted power-law functions. Thus, our calculation method is good

approximation for optically thin accretion flows.






Appendix D

Test calculation for solving the

Fokker-Planck equation

Here, we show the test calculations for solving the Fokker-Planck equations. We solve the
time evolution of the Fokker-Planck equation using an implicit method proposed by Chang &
Cooper (1970) until steady state solutions are realized. The Chang & Cooper method is a flux
conservative finite difference scheme in which the particle number is conserved in the absence
of sinks or sources. This method uses centered difference on the diffusion term but a weighted
difference on the advection term. This weight is determined so that it works as the upwind
difference. This procedure guarantees that the values of the distribution function are always
positive if they initially have some positive values even with a sink term (Park & Petrosian
1996).

We check our numerical code by comparing our steady state solutions obtained by numerical
calculations to the analytic ones given by Becker et al. (2006). Since acceleration of protons in
LLAGN is limited by diffusive escape, we show the test calculation for efficient escape cases.

We write the Fokker-Planck equations as

_ 10 (, 0F(p)\ _F@)

tesc
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Assuming that

saf P\’
D, =D, Py D.2
= Do () (D2

q—2
tesc = ts <L) ) (DB)

mpC
N

Enj = Wé(p - pO)? (D4)

the steady state solution is expressed as

N(z) = 4mm’cE2?F(z)
N, z \ V2 NI L Vo274
= v (= 2-a)/2] Y 7min | g~ Y 7max |y 5
(2 — @)z D, (xo) (#0) oo\ Gy | Reoe | Ty [ P)

where = p/(mpc), To = po/(Mpc), Tmin = Min(x, Tg), Tmax = max(x,xy), . =3/(2—q), 0 =
1/(D.t.). We use the first and second modified Bessel function [,,(z) and K, (x), respectively.

Figure D.1 shows the result of a test calculation. The red points show the numerical solution
obtained by our code, and the blue-dashed line shows the analytic solution given in Equation
(D.5). We use parameters ¢ = 5/3, t, = 1 and py = myc in units D, = Ny = myc = 1. It is

seen that our solutions completely overlap the analytic solution in all the range.
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Figure D.1: The proton spectra obtained by numerical method (the red points) and analytic solution

(the blue-dashed line). It is seen that our numerical solution completely overlaps the analytic one.
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